Physical properties of simulated galaxies
from varying input physics

Abstract

We investigate the baryonic properties, such as stellaspfsgecific) star formation rate, gas consumption time
scale, and gas fraction, of haloes at redshift two usinggelaet of high-resolution cosmological simulations
from the OWLSproject. We vary the sub-grid models for radiative coolingionization, the pressure of the
unresolved multiphase ISM, star formation, feedback froassive stars and AGN, as well as the cosmology,
box size and numerical resolution. While reionization aretahline cooling are important for low- and high-
mass haloes, respectively, galactic winds driven by feddfimm star formation andr accreting black holes
determine the main properties of galaxies. The star foonatate is regulated through the ejection of gas by
galactic winds. The gas fraction, and thus the star formatie, adjusts until the (time averaged) rate at which
energymomentum are injected is ficient to balance the accretion, which is itself determingddsmology and
cooling. Consequently, the assumed star formation f&ects the gas fractions, but not the star formation rates.
The predictions are sensitive to variations in the sub-gnjplementation of galactic outflows, even if the energy
per unit stellar mass is fixed. Feedback becomefianent if the initial wind velocity falls below a minimum
value that increases with the pressure of the ISM and hertbehaio mass. In galaxies from which winds do not
escape, the pile up of newly formed metals results in cataisic cooling and strong star formation. Our results
suggests that a wide range of stellar mass functions coufitdzkiced by varying the initial wind velocity and
mass loading with halo mass. In fact, even without such tumany of our models predict stellar mass functions
that agree with the observations. Reproducing the higregadfithe observed specific star formation rate appears,
however, to be more flicult. In particular, the gicient feedback required to reproduce the mass functiortsesu
in much lower specific star formation rates than observed.
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CHAPTER 2. PHYSICAL PROPERTIES OF SIMULATED GALAXIES

2.1 Introduction

The formation of structure in the dark component of the Ursges reasonably
well established by means of high resolution gravitatioNabody simulations
(e.g. Springel et al., 2005). The large-scale structurisstas derived from these
gravity-only simulations agree very well with observasonThe formation and
evolution of galaxies is, however, much less well undeigtddodeling the bary-
onic component is much morefficult than simulating the dark matter due to the
collisional nature of the gas and the wealth of phenomertantred to be taken into
account (cooling, star formation, feedback, etc.).

There are two popular approaches to tackle this challengisk. In semi-
analytic models, analytic descriptions of the behaviouhefbaryonic component,
as a function of the dark matter halo mass, merging histodyesvironment, de-
scribe the evolution of gas and stars (e.g. ff@ann et al., 1999; Somerville &
Primack, 1999; Croton et al., 2006; De Lucia et al., 2006;t&oot et al., 2006,
2007; Monaco et al., 2007; De Lucia & Blaizot, 2007; Soméevét al., 2008;
Bower et al., 2008). The freedom to choose functional forntsgarameter values
combined with the ability to run large numbers of modelspeashat reproducing
observations is usually within reach. While this approaek great advantages,
such as the ability to make mock galaxy surveys that afiecgntly realistic to
reveal observational biases, there are also significantdeks. The large number
of parameters can make itfficult to identify the key physical processes. More im-
portantly, the ability to reproduce observations with a gldtlat uses unphysical
functional forms or unrealistic parameter values to dégcphysical processes can
easily result in erroneous conclusions and misplaced ceméiel

The other approach is to follow both the dark matter and timgdvéc compo-
nents by direct simulation. While the dark matter is neallyags simulated using
particles, the baryons can either be modeled with Euleriathads (discretizing
the volume in an (adaptive) grid, Ryu et al., 1990; Cen efl800; Cen & Ostriker,
1992; Gnedin, 1995; Bryan & Norman, 1998; Teyssier, 2002{lGmer & Yepes,
2007) or using the Lagrangian approach also used for therdatter (discretiz-
ing the mass using particles, e.g. Evrard, 1988; Hernquikia&, 1989; Thomas
& Couchman, 1992; Steinmetz & Mueller, 1993; Couchman ¢t1#95; Serna
et al., 1996; Shapiro et al., 1996; Steinmetz, 1996; Katt. £1996; Tissera et al.,
1997; Dave et al., 1997; Springel & Hernquist, 2003a,b; @ppéner & Dave,
2006; Davé & Oppenheimer, 2007; Oppenheimer & Davé, 2@siaye et al.,
2010). Here, the freedom is limited to the parametrizatibanwesolved sub-grid
processes, principally outflows driven by feedback fronn fiamation. The high
computational expense associated with full numerical ktians prevents thor-
ough explorations of parameter space. Together with thecestilevel of freedom,
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2.1. INTRODUCTION

this means that numerical simulations tend to be less ssittés reproducing ob-

servations of galaxy populations than semi-analytic mmd€ompared with the
semi-analytic method, the advantages of the simulationoggp include the much
reduced (though still present) risk of getting the rightvees for the wrong rea-
sons, the ability to ask more detailed questions due to #medndous increase in
resolution, and the fact that not only galaxies, but alsdritergalactic medium is

modeled.

As many processes related to the baryons are not (well)\vexsdly even the
highest resolution simulations, they are dealt with in thealled sub-grid mod-
els. Among these are radiative cooling (e.g. Sutherland &i2p1993; Wiersma
et al., 2009a), the temperature and pressure of the mulphas at high densities
(in the rest of the paper loosely called ‘the ISM’) and thenfation of stars (e.g.
Katz et al., 1996; Springel & Hernquist, 2003a; Schaye & ®a&kcchia, 2008),
the energy and momentum fed back by these stars into thgl CBMIGM (e.g.
Springel & Hernquist, 2003a; Dalla Vecchia & Schaye, 20@8¢/lar mass loss
(e.g. Tornatore et al., 2007; Wiersma et al., 2009b) and tbeth of supermas-
sive black holes and associated feedback processes (aaki 8 Springel, 2006;
Sijacki et al., 2007; Booth & Schaye, 2009).

In this work, we will use large, cosmological, hydrodynaatisimulations to
investigate a number of basic baryonic properties of haloekiding the (specific)
star formation rate, stellar mass, gas and baryon fractiothis way we will get
a handle on the physical processes that determine the fiegpef galaxies and
on the importance of the freedom that arises from choosimticpkar sub-grid
models. As reproducing observations is not our main godiiatstage, we have
not attempted to fine-tune our models or to optimise the sithiyplementations.

We make use of the large suite of smoothed particle hydradiagsa (SPH)
simulations from theDverWhelmingly Large Simulationsoject OWLS(Schaye
et al., 2010). The large variety of input physics in thfatient runs, as well as the
possibility to study the detailed numerical convergencéhefresults, enables us
to investigate properties of haloes and their relation éophysical and numerical
parameters. In the sub-grid models the philosophy is ta@eteep it as simple
as possible, and where possible the parameters are catfiivatobservations. In
particular, we will test several implementations of gatagtinds, we will inves-
tigate the importance of metal-line cooling, and we willyéne treatment of the
unresolved, multiphase interstellar medium, the star &iaon laws, the cosmolog-
ical parameters, the stellar initial mass function, andréienisation history. One
implementation of AGN feedback will also be compared to ttheeomodels (for a
comparison of several AGN models in the context of @WL Ssuite, see Booth &
Schaye, 2009).

This work complements that of Schaye et al. (2010), wherentveduced the
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CHAPTER 2. PHYSICAL PROPERTIES OF SIMULATED GALAXIES

simulations and compared the cosmic star formation hestgedicted by the var-
ious models. The global star formation rate can be decondpose a dark matter
halo mass function, which is determined by the cosmology,tha statistical dis-
tribution of the star formation rate as a function of halo saadere we will study
the latter, which is astrophysically more relevant thanglobal star formation rate
as it removes the mainffect of cosmology (the mass function) and allows us to
investigate how the various baryonic processes vary witbsma/hilst we will add

a dimension to the work of Schaye et al. (2010) by investigathe dependence
on mass, we will remove another one in order to keep the sciofpe study man-
ageable. Thus, we will limit ourselves = 2 and to the high-resolution series
presented in Schaye et al. (2010) (these runs were haltéisaetshift). To get
further insight, we will study many more properties of gédmxthan the star forma-
tion rate. We will also study the stellar mass function whiobwever, does depend
on the cosmology.

The structure of this chapter is as follows. In Section 2.2wile describe
the main features of our reference simulation, which seagshe baseline for
the comparison between models, we describe how we selectigaland we give
an overview of the results. We elaborate on the physics ti@mn&in the subse-
guent Sections, where we discuss variations of cosmologgt(2.3), metal-line
cooling (Sect. 2.4), reionization (Sect. 2.5), the equetibstate for high-density
gas (Sect. 2.6), the star formation law (Sect. 2.7), théastiglitial mass function
(Sect. 2.8), supernova feedback (Sect. 2.9), and AGN fe&diSect. 2.10). After
reading Section 2.2, all the other section can be read opsHipdepending on the
readers’ interests. Section 2.11 summarizes the conokisio Appendix 2.11 we
present the tests showing the numerical convergence ofrautations, while Ap-
pendix 2.11 shows that the amount of energy and momentunrtédsi@ the winds
in the momentum driven wind models of Section 2.9.4, whigthemselves taken
from Oppenheimer & Davé (2006, 2008), is higher than whatalable from ei-
ther SN explosions or radiation pressure.

2.2 Numerical techniques

For a detailed discussion of the full set @WWLSmodels we refer the reader to
Schaye et al. (2010). Here we will briefly summarize the exiee simulation, its

relevant numerical properties and the we will make somemgénetes on the phys-
ical properties we will show in all subsequent sections,cividescribe variations
of the sub-grid models.
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2.2. NUMERICAL TECHNIQUES

Table 2.1: Overview of the cosmological parameters of WMABWB/L Sreference)
and WMAP1 (as used in the Millennium Simulation). Symbolsé¢heir usual
meaning.

WMAP3 WMAP1

Om 0.238  0.25
o 0.0418  0.045
QO 0.762 0.75
o8 0.74 0.9

n 0.951 1.0
h=Ho/ (100 km s Mpct) 0.73 0.73

2.2.1 OverWhelmingly Large Simulations

The simulations are performed with an extended versionef\tBody Tre¢gSPH
code Gger3 (last described in Springel, 2005) in periodic boxes of 28 200
comovingh~*Mpc. There are 512dark matter and equally many baryonic par-
ticles (which can be either collisionless ‘stars’ or cadligal ‘gas’ particles). The
particle mass of the highest resolution simulation undesitieration (2% *Mpc
box size, 2x 512 particles) is 88 x 1P M,, for dark matter and .85 x 10° M,

for baryons (initially, the baryonic particle masses claimgthe course of the sim-
ulation due to mass transfer from star particles to gasgbesji The gravitational
softening length initially is fixed in comoving coordinataisl/25 the inter-particle
spacing. Belovz = 2.91 the softening is fixed in proper units, at -5 kpc.

Initial conditions are generated witlusrast (Seljak & Zaldarriaga, 1996) and
evolved forward in time from an initial glass-like statengsthe Zel’'Dovich (1970)
approximation t@ = 127, where the simulation is started. The cosmology assumed
is summarized in Table 2.1 and is deduced from the WMAP 3 yasarits (Spergel
et al., 2007). The results are largely consistent with theemrecent WMAPS
results (Komatsu et al., 2009), the most notabl&edence is iro-g, which is 1.60-
lower in WMAP3 than in WMAPS5. The primordial helium mass ftiao is set to
0.248

As the subgrid model variation is the main power of @¥/LSsuite, we will
now describe the parameters and subgrid models used infénerree simulations.
The next sections will be devoted to descriptions of theatamns of the sub-grid
models and how the fierent input physicsfiects the resulting galaxy population.

In the simulation radiative cooling and heating are cakedaelement-by-
element by explicitly following the 11 elements H, He, C, N, ke, Mg, Si, S,
Ca and Fe in the presence of the Cosmic Microwave Backgrooddhe Haardt
& Madau (2001) model for the UXX-ray background radiation from quasars and

17




CHAPTER 2. PHYSICAL PROPERTIES OF SIMULATED GALAXIES

galaxies, as described in Wiersma et al. (2009a). Note ligagjas is assumed to
be optically thin and in photo-ionization equilibrium.

At sufficiently high pressures, deep inside haloes, we expect thodee com-
posed of several phases, ranging from\liatm tenuous gas to cold, dense molec-
ular clouds. This high density, multi-phase interstellagdiom (ISM) is not re-
solved (and our simulations lack the physics to describeTit)e formation of a
cold phase and instabilities to form stars require a phi/sipdrogen number den-
sity of ny > 1071 cm2 (Schaye, 2004) and particles with such densities are put on
a polytropic d€fective equation of state (EoS). Their pressBre peff, whereyes
is the polytropic index and is the physical proper mass density of the gas. We use
vet = 4/3 , such that both the Jeans mass and the ratio of the Jeattis é&nththe
SPH kernel are independent of the density, thus preventindais fragmentation
due to a lack of numerical resolution (Schaye & Dalla VeccBi208). The nor-
malization of the polytropic equation of state is such thaténergy per unit mass
corresponds to TK for atomic gas with primordial abundances at the star ferma
tion threshold P/k = 1.08 x 10 K cm™3 for ny = 107 cm3). Star formation
is followed stochastically, with a pressure dependentfstanation rate, obtained
from the observed Kennicutt-Schmidt law (Kennicutt, 19%8ad local hydrostatic
equilibrium, as discussed in Schaye & Dalla Vecchia (20@3s particles are only
allowed to form stars when they are on the EoS, so there isatibld density for
star formation ofy > 1071 cm3.

The mass loss of the gas by AGB stars and by Type la and Typeclu¢ling
Type Ib,c) supernovae is followed explicitly for the 11 eksmts needed for the
cooling, as described in Wiersma et al. (2009b). The stdictes are assumed to
be simple stellar populations (SSPs) with a Chabrier (2@@i8al mass function
(IMF). The energy feedback from massive stars and supeensvanplemented
kinetically, giving a number of SPH neighbours of newly feunstars a kick with
a velocity of 600 km st. The number of particles receiving such a kick is set by
the dimensionless mass loading faagjpwhich is the amount of mass kicked in the
wind per unit solar mass of stars formed. We gse 2, which together with the
chosen velocity corresponds to about 40% of the energyadotaifrom supernovae
of type Il (including Ib,c), for our assumed Chabrier (2004F. For details on the
kinetic wind implementation, see Dalla Vecchia & Schayed@0

2.2.2 Halo identification

Haloes are identified using a Friends-of-Friends (FoF)rélya, linking together
all dark matter particles which are closer to each other tharinking parameter
(b = 0.2 times the mean inter-particle distance). FoF identifiesoigerdensity
contours ofs = (p — p)/p =~ 3/(27b%) ~ 60 (Lacey & Cole, 1994). Outside these
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2.2. NUMERICAL TECHNIQUES

contours, due to particle noise, some regions will also lerssd as haloes. These
haloes will be excluded by the particle number cuts we wilken&urther on, as
motivated by the convergence tests. Baryonic particledirgked to their nearest
dark matter particle and belong to the same group, if any.

Following the convergence tests presented in Appendix, 2v&lonly include
haloes that contain at least 100 star particles when lockir@lo properties as a
function of stellar mass. We use a minimum of 2000 dark ma&eticles when
we plot properties against halo mass. These two cuts pratkary identical halo
samples in the reference simulation and ensure that onlyreszlved haloes are
considered.

Whenever we show the correlation between two halo propette plot con-
sists of lines that connect the medians of bins, evenly shimdde quantity plotted
along the horizontal axis, if there are at least 30 pointshat bin. If not, then
the next bin extends to include the first next 30 objects. akelbin may contain
between 0 and 30 objects. We bin the data starting from therhigss end. There,
the diference in mass for two consecutive haloes is much biggerahtre low
mass end, and in this way we are sure that the value of the rh#ss lsigh mass
end of the plots is always the mean of the mass of the 15th ahdhi@st massive
systems.

2.2.3 Physical properties

In subsequent sections we will study the relations betwegaral physical prop-
erties of haloes. Simulations will be compared in sets thaf in only one aspect
(e.g. only varying supernova feedback, or only varying thesics related to high
density gas and star formation). The reference model (édiREF and described
in Sect. 2.2.1) will always be plotted as a black solid limegider to intercompare
the sets. ThREF model serves as a baseline for our exploration of parameter
space, but it should not be regarded as our ‘best model’. oora detailed de-
scription of the physics in the simulations we refer to Pdpéfe will keep to the
same order of model variations in Paper | for easy comparigdinsections will
start with a summary of the models which should b#fisient to understand the
discussion, but for more details we refer the reader to Paper

A graphical representation of the gas density of a galaxgnéat in a repre-
sentative set of models is shown in Fig. 2.2.2. The galaxgessn a halo of total
mass~ 10'2° M. It was first identified in theREF simulation, where its position
(centre of mass of all particles within 10% of the virial nasli is determined. The
line of sight is along the z-axis, which is almost perfectigred with the angular
momentum vector of the gas within 10% of the virial radiuss(@p = 0.994). For
the other simulations the image is centered on the samegrgsshowing the re-
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Figure 2.1: A graphical representation of a galaxy in a h&lb®?> M, in 20 of
our simulations at redshift 2. The colour coding denotegdsedensity divided by
the mean density of the universe. All frames are 100 comadyiggh on a side and
are centered on the position of the galaxy in tREF simulation. The gas density
in a 100 comoving kpt box is projected. The orientation of the line of sight is
along the z-axis, which is almost perfectly aligned with #mgular momentum
vector of all material inside 10% of the virial radius of tlgalaxy in the REF
simulation.
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2.2. NUMERICAL TECHNIQUES

markable similarity in the positions and orientations af thalaxies. TheMILL’
simulation, as described below, was run with another cosgyplresulting in a
different distribution of galaxies over the volume. This modakwherefore left
out.

In Fig. 2.2 we include all physics variations and plot 9 comalbions of physi-
cal properties. The black line is the reference model frorcwive vary the input
physics. In subsequent sections we will discuss sets oflations which vary the
input physics in some specific way. The upper two rows have hedss on the
horizontal axis, while the lower three panels show somegqunt@s as a function of
stellar mass. Note that the upper six and lower three pahelg diterent resolu-
tion limits, as explained in Appendix 2.11. Fig. 2.2 shows taference model in
black and all other simulations in grey, such as to providalea of how much the
different relations diverge in theftirent models. The remainder of this section
gives some background on the panels where necessary. Fgrseteof physical
properties that will be discussed in the following sectioves will use the same
panels.

2.2.4 Properties as a function of halo mass

Panel (A) shows the stellar mass as a function of halo masshwainly serves
as a way to connect the panels that have halo mass on theitatiaais (A — F),
to panels that have stellar mass on the horizontal axis (GRahel (F) shows the
stellar mass fraction of haloes as a function of their totaksnand contains the
same information. Dividing by the halo mass, though, emigkagshe diferences
between the models, because the stellar mass and total redgghéy (and almost
linearly) correlated.

In panel (B) we show the star formation rate of haloes as atifumof their
total mass. As we show in Fig. 2.2 the SFRs span slightly nfeae &n order of
magnitude at the high halo mass end, and less than an ordegoiitnde at the low
mass end (except for the simulation without feedback an@lriiae cooling). At
the high mass end, the simulations with weak feedback (a&sided in Section 2.9)
are the ones with the highest SFR, while the simulations stgpa low SFR have
either very dicient SN feedback, or AGN feedback.

In all panels (C) we plot the baryon fractions of the halo asrecfion of halo
mass. We over-plot the universal baryon fractiom(Qm), as appropriate for our
default cosmology. Without feedback and metal-line cap(which we will show
separately in Fig. 2.4), the baryon fraction is very highaedund the universal
value. Hfective feedback sets the fractions well below the univevsile, by
factors up to 6 below it as can be seen in Fig. 2.2.

Most of our simulations show baryon fractions that are lg\wwad depend more
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Figure 2.2: Median relations between halo properties irthadl simulations de-
scribed in this work. The reference model is shown in bladk ahother models
are shown in grey. In subsequent sections we will considsrafesimulations in
more detail. On the top two rows we show the halo mass as aidanof stel-

lar mass (panel A), star formation rate (panel B), baryonsiii@tion (panel C),
fraction of mass in the ISM (panel D), fraction of mass in othas in the halo
(panel E) and stellar mass fraction (panel F). The last t{seeond row) and up
to the total baryonic mass fraction shown in panel (C). Tlsédaw shows stellar
mass versus specific star formation rate (panel G), invdrdea@as consumption
time scale (panel H) and the number density (the stellar rasgion, panel I).

We show medians in bins along the horizontal axes as deddribiée text for all

©
o

® |

. . . .
10.5 11.0 11.5 12.0
median Log,[Ma (M)]

(OB

. . . .
105 11.0 115 120
median Logu[Ma (M)]

=

600DS (G)

8.0 8.5 9.0 9.510.010.511.0
medion LogulMa. (4.)]

e

median Logo| fe,

o1

median Logo[SFR/M,..

median Log[SFR (MG/W)]

|
e
IS

|
©
o

|
©
o0

|
©
o

|
©
N

|
©
IS

® |

. . . .
10.5 11.0 11.5 12.0
median Logu[Mw (M)]

©® |

. . . .
10.5 11.0 115 12.0
median Log[Mu (M@)]

(GO

T T
8.0 8.5 9.0 9.510.010.511.0
median Logu[Mu (Mg)]

median Logo[fe,

median Log o[ fuu]

Log.[dN/dLog,(M) dex™'(Mpc)™)

| | | |
N - - o
o wn o wn
| \\

|
N~
wn

I — Universol £, -

. . . .
10.5 11.0 11.5 12.0
median Log,[Ma (M)]

. . . .
105 11.0 115 120
median Logu[Ma (M)]

. .
8 9 10

Inl
median Logu[ M (M)]

haloes that satisfy the convergence criteria that applgabdpecific panel.

22




2.2. NUMERICAL TECHNIQUES

strongly on mass, than those found by Crain et al. (2007).sé@simulations in-
cluded no cooling, no star formation and no feedback presessaking the results
hard to compare directly. Our simulation without coolinglavithout feedback has
a baryon fraction that goes above the universal value, valsetgain et al. (2007)
always stays below, at roughly 90% (unless the gas is prethetiten they do find
a strong evolution with mass, as we do). Note, though, thadmiaclude cooling

from hydrogen and helium and star formation, whereas Ctzah €2007) do not.

Panels (D) and (E) show the fraction of the mass that is in gaka ISM
and the rest of the gas in the haloes, respectively. In gerimth are increasing
functions of the total mass, although again some of the veafjicient feedback
models show very high gas mass fractions in low mass haloes.

In the panels (F) we will look into the stellar mass fractiofiialoes (the sum
of the middle row panels, A through F, gives the upper righitghaC). As it will
turn out, the stellar mass fractions tell us how well stamfation is suppressed by
the feedback model under consideration, whereas the b&yions of the haloes
show a distinction between feedback models which removérgasthe ISM and
models that remove the gas from the halo altogether.

2.2.5 Properties as a function of stellar mass

The integral of the SFR over time until the moment under a®rsition ¢ = 2

in this case) gives a stellar mass. Relations between SFRstafldr mass are
not so well converged as those with halo mass (see Appenili¥).2In higher
resolution simulations the stellar mass that builds up ghéii, because the star
formation is well resolved already at earlier epochs (wmdsolved star formation
underestimates the SFR). The relations between stellas @k SFR are very
similar to the relations between halo mass and star formadites (we do not show
them). One notable fference occurs between the simulations without feedback
and metal-line cooling. The much higher SFR in the simutatigthout feedback
has resulted in the build-up of galaxies with very high stethasses.

The specific star formation rate

An often used observational parameter is the specific stardfoon rate (SSFR),
defined as the star formation rate divided by stellar madmdically is the inverse

of the time needed to form the current stellar populatiorhe current star for-
mation rate. As colours of galaxies mainly measure theiveldtaction of old to
young stars (due to the fEierent spectral regimes they shine in), the colour of a
galaxy usually is a good measure of its SSFR (averaged ogeretent past). In
many previous studies the sSFR is used to distinguish s&dgbinom quiescently
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star forming galaxies (comparing the sSFR to some other sicake, usually the
Hubble time).

A good reason to look at SSFR instead of SFR is the almostrlne¢ationship
between stellar mass of haloes and their SFR, as we will stedowb Dividing
out the stellar mass removes the linear dependence andghightieviations from
this relation. Note that in a plot of SSFR against stellar snthgre is no more
information than in the plot of SFR against stellar mass.

The observations we will compare to are taken from Daddi.gR8I07), who
measured the obscured and unobscured star formation bygt&&Rs from the
UV and IR together. They did this fdf-selectedsBzKgalaxies (star forming, see
Daddi et al., 2004) in the GOODS fields at~ 2. The median of the SFR as a
function of stellar mass is well fit by SFR 250- (M, /10 M,)%9, and the scatter
is constant at about 0.2 dex. The scatter is not shown in th&&i but is similar,
although a bit smaller~ 0.1 to 015 dex) in the simulations. Both the stellar
masses and the star formation rates need to be converted tmsmology and
IMF, as explained in Sect. 2.2.5. The (cosmology and IMFexied, see below)
data from the GOODS fields of Daddi et al. (2007) have beerstoamed to SSFR
instead of SFR. We plot the observed relation only on the maagge that actually
is observed: 5 10° My < Mgtar < 2 x 10 My. Halo mass is much harder to
observe than stellar mass #mdSFR (which usually come from SED modeling).
Therefore we only show the specific star formation rate asnation of stellar
mass.

As can be seen from panel (G) of Fig. 2.2 the medians of the sBkRRloes
span only a limited dynamic range of about an order of madeitand are all
lower than the observed relation, except for a very smaljeasf stellar masses in
simulations with inéficient feedback at these masses (see Section 2.9).

The slope in the relation between stellar mass and the spstfi formation
rate of a galaxy seem only to agree with the observations ofdDet al. (2007)
on mass ranges where the feedback igficient (either in simulations without
feedback, or in the high mass haloes of simulations withtivellg low wind ve-
locities) and in the simulation with thermal supernova fesek. In simulations
with ineffective feedback the slope in the sSHR. relation is negative, and even
steeper than in the observations, while the simulationaitlieedback (and with-
out metal-line cooling) shows a very similar slope to obagons over a large
range of masses (panel (G) of Fig. 2.4). Thifedence in normalization between
the observations and our simulations may be due to therste#lases in the simu-
lations being too low (as star formation is only resolvededdtively low redshift),
by the simulated star formation rates being too low or by theeoved SFRs being
too high. Besides, there may be systematics in the obsemngagis well.

In the simulations with very strong feedback, either dueigt twind veloci-
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ties or to the inclusion of AGN, the specific star formatiotesatend to become
relatively independent of stellar mass. For these stroadlfack models, the dis-
crepancy in normalization between the observed and sietukiair formation rates
at given stellar mass are largest, though.

The agreement between observations and simulations widfiactive feed-
back in the slope of the relation is at odds with common teoglém invoke very
effective stellar feedback in low mass haloes in semi-analyiiclels (e.g. Cole
et al., 1994; Somerville & Primack, 1999; Cole et al., 200@;ucia et al., 2004)
and simulations (e.g. Katz et al., 1996; Springel & Herny@B03a) in order to fit
the faint end of the luminosity function of galaxies in thedbuniverse .

The gas consumption time scale

As star formation is expected to be more strongly influencedhle amount of
available gas than by the amount of stars already formedegfiresda second type of
specific star formation rate, now normalizing the SFR by tlzessrin star forming
gas. This is the inverse of the time needed to convert theeptesservoir of star
forming gas (i.e. gas that is on the equation of state) irssswith the present star
formation rate, i.e. the inverse of the ‘gas consumptioretsoale’. We plot the
inverse of the gas consumption time scale as a function ldusieass in panel(H).

Comparing simulations to observations

To correct observationally inferred stellar masses andsSFdn the cosmology
assumed in the literature to our cosmology, we multiply tHgyrthe square of
the ratio of luminosity distancesl[ our cosn{Z)/dL obs cosrk2)]. The subscripts ‘our
cosm’ and ‘obs cosm’ denote our cosmology and the cosmolaggruwhich the
observations are transformed into magSERs, respectively.

The IMF assumed for the observations of the SFR we will compar sim-
ulations to was the Salpeter (1955) IMF, whereas our steflasses and SFRs
are based on the Chabrier (2003) IMF. We therefore dividebservationally in-
ferred SFRs by a factor 1.65, which is the asymptotic (re@etiter only 16 yr)
ratio of the number of ionizing photons predicted by BruzZu&harlot (2003) for
a constant star formation rate. For comparison, the caoreéctor is~7 for the
top-heavy IMFs used in starburst models (see Sect. 2.8t#3.tdp-heavy IMF is,
however, really extreme.

For stellar masses, the IMF conversion factor is more seadib the age of
the population and the observed rest-frame wavelengthhébght in most wave-
length bands is dominated by massive stars and the high masefeboth the
Salpeter and Chabrier IMFs are power laws with very simi@wer law indices,
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we use the same factor of 1.65 as we used for the SFRs. For icepopula-
tions observed in red wavelength bands (tracing stellatimmos, rather than dust
emission) the conversion factor should b&etient. We verified that the K-band
mass-to-light ratio is about a factor 1.65 smaller for a Ciealthan for a Salpeter
IMF for SSPs and constantly star forming populations, fer fill range of ages
and metallicities available in the Bruzual & Charlot (20@®)pulation synthesis
package. We therefore also divide by a factor of 1.65 to adrstellar masses
from the Salpeter to the Chabrier IMF.

In all panels (1) we will look at the number densities of gaémxas a function
of their present day stellar mass at redshift 2. We bin thexied in 30 equally
spaced bins in loyl.., between the lowest resolved halo mass (containing 100 star
particles, as the convergence tests allow us, see Appentity and the highest
available stellar mass in the simulation. The resultiniestenass functions (MFs)
are shown in panels (l). Over-plotted is an observed MF frocombined sam-
ple, using the deep near-infrared Multi-wavelength Sutweyale-Chile, the Faint
Infrared Extragalactic Survey and the Great Observat@iegins Deep Survey-
Chandra Deep Field South surveys, as presented by Marckésin (2009), also
atz=2.

In their paper, Marchesini et al. (2009) do a careful job imestigating all
kinds of random and systematic errors. Here, we comparesto 2Vmax method
results, including all uncertainties, but we leave out thiédm-light IMFs that they
test. The reason for this is that they dominate the systereators and are more
extreme assumptions than the variations in the other diemtiAlso, for bottom-
light IMFs there are only arguments at high redshift (Da2@08; van Dokkum,
2008; Wilkins et al., 2008a), and the interpretation of theeyvations are full of
uncertainties themselves. The sources of random errdigle@oisson errors on
the number counts, cosmic variance and the random errarstfre use of photo-
metric redshifts. These random errors are added in quadralio these random
errors we linearly add the maximum of the systematic errorthé same mass
bin, as Marchesini et al. (2009) did. The systematic ermackide the systematic
component in the errors from photometric redshifts, eresising from diferent
population synthesis packages (they test for Bruzual & [6ha2003; Maraston,
2005; Charlot & Bruzual, 2009) varying the metallicitiestbé stellar populations
and the use of dlierent extinction curves (Milky Way from Allen 1976, SMC from
Prevot et al. 1984; Bouchet et al. 1985 Calzetti et al. 2000).

The correction factor for the IMF is very small, as the IMF dige the obser-
vational study is a diet Kroupa IMF. From Marchesini et aD@2) we take the
correction factor from Salpeter to the diet Kroupa: 1.6. Wlie factor between
Salpeter and Chabrier (our IMF) of 1.65, the correctiondador stellar masses
here is 165/1.6 = 1.03 (diet Kroupa being slightly more massive for the same
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observed luminosity). As this number is also derived frompyation synthesis
packages, which come along with their own uncertainties lwgese not to convert
masses for the ffierence in IMFs. We do correct the masses for tligedince in
luminosity distances as described earlier. Number dess#iso need to be con-
verted, as the volume at a given redshift ifatient for diferent angular diameter
and comoving distances. Therefore, the number dengilyi¢ corrected for the
ratio of volume elements (at the redshift under considematit is a function of
the cosmological parameters given in Table 2.1). All nuralzge given in natural
units, without factors of the Hubble parameter, just as imdlasini et al. (2009).

The resulting IVmax estimate of the analysis of Marchesini et al. (2009) is
shown in the yellow shaded regions in all panels (l). We puéated their values,
asz = 2 is exactly on the boundary between two of their redshifs §i8 < z < 2
and 2< z < 3, respectively). We weigh the averaging to the sizes of eldshift
intervals (weight 1.2 and 0.8 respectively), which resuitparameters very con-
sistent withz = 2 results of the Newfirm Medium-Band Survey (Marchesini et al
2010, in prep.). The mass bins are not exactly the same inrbdghift intervals
either. The dterence is very small. The upper mass limit of the most massive
bin is the same and they use bins which are constant itMyggf size 0.3 dex (at
13 < z< 2)and 0.29 dex (at 2 z < 3), resulting in a dterence of bin centre in
the lowest mass bin 0.055 dex. We interpolate the mass bthse same way as the
errors, although using just either the low or high redshidfissbins instead would
not make a noticeable fiierence. Note that we plot the logarithm of the number of
galaxies per unit lo@/l.., per unit volume.

As can be seen from panel (I) of Fig. 2.2 our mass functiorisafall within
the observed range, when all uncertainties are taken immuat. This is true for
a large sub-set of simulations, except some of the strorfigedback models (like
the double IMF models in Fig. 2.9, the high constant wind e#joof Fig. 2.10,
some of the momentum-driven wind models in Fig. 2.14 and A@&dback in
Fig. 2.15), which have too few very massive systems. Somewenk feedback
models produce too many massive systems. At low massesdsredie noted
that our simulations go steeper than most faint end slopeteiied Schechter
function parametrizations, but that this is largely owtsttie observed range of
stellar masses.

Combining the results in panels (B) and (I) shows an intergdiehaviour of
the simulations: although the SFR is too low by a factor ofva fss compared to
observations, we do form enough galaxies of all masses (assily too many
low mass systems). A similar discrepancy, which may beedl&d the one high-
lighted here, is indicated by the works of Hopkins & Beaco®0@); Wilkins et al.
(2008b), where they show that there is an internal discrepanmeasurements of
the star formation rate density evolution and the build ugteflar mass density.
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They conclude that the integral of the star formation raselts in a higher stellar
mass than observed nowadays. One of many solutions is dleosgerestimate of
SFRs by a factor of a few. This would bring the observatiorss @r simulations
to much better agreement. See also Schaye et al. (2010) fiscasdion on the
integrated star formation properties of the simulatiorespnted here.

2.3 Cosmology

Fig. 2.3

In order to investigate the dependence of the galaxy priegesh cosmology, and
to facilitate comparisons to earlier work, we vary the cokgy from the WMAP
3-year results (Spergel et al., 2007) to the so-called ‘cotance cosmology’ that
was used in many previous studies including the Millenniumuation (Springel
et al., 2005). We will refer to this set of cosmological paedens as the ‘Millen-
nium cosmology’ and denote the model assuming this cosmoddj_L .

The main diferences in the cosmologies is the valuergfwhich is 0.74 in our
reference cosmology, but 0.9 in the other model, and theets@ baryon fraction
Qp which is 0.0418 in all our simulations, except in tilLL’ simulation where it
is 0.045. Other parameters are summarized in Table 2.1dkr to roughly match
the peak in the observed global integrated star formatistotyi the simulations
with Millennium cosmology used a mass loading;cf 4 for the winds, rather than
then = 2 used in the reference model (Schaye et al., 2010). To ésttat éfect
of cosmology, we therefore compare it to a simulation withaefault cosmology,
but with a mass loading of = 4 (‘WML4), which then corresponds to about 80%
of the available energy from SNe. In Fig. 2.3 th&eet of the cosmology can be
addressed by comparing the blue dashed and red dotted leh worrespond to
the WMAP3 and WMAP1 (‘Millennium’) cosmological parametgias indicated
in Table 2.1), respectively.

og basically sets the time scale for structure formation: aéiigg corresponds
to earlier structure formation (e.g. Peebles, 1993). Actmeentration at a given
mass is set by formation time, SFRs could be influenced byahewfog, through
different central densities. The two runs witlffelient cosmologies (the red dotted
and blue dashed line) assume the same wind energy per Ulait stass (twice the
energy assumed in the reference model, so 80% of the awagapkrnova energy).
The SFR of high mass haloes is slightly higher for the WMAP4neology than for
the WMAPS3 cosmology, due to theftirent central densities at given mass, even
if the feedback energy is the same. The much larg€ermdince in the integrated
star formation rate density of the universe, shown in Pajselargely the &ect of
a different halo mass function at the same redshift. The largebauf haloes
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Figure 2.3: Like Fig. 2.2, but now only for a set of simulagan which the cos-
mology is varied from the WMAP three-year results, as in thienence model
(black solid line), to the cosmology from the WMAP first yeasults (red dotted
line), as they are used in the Millennium simulation. In tkieLL’ simulation the
supernova feedback was implemented with a two times higlassrioading in the
winds, so two times more energy in the winds. TWeML4’ (blue dashed line)
run has the same cosmology as the reference model, but tleefeadback as the
‘MILL" model, so for the fect of the cosmology the red dotted line should be
compared to the blue dashed, while a comparison of the blalak &nd the blue
dashed line shows thefect of increasing the wind mass loading with a factor of
two.
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results in a much higher global SFR density for the model Wigfheros.

In the Millennium cosmology, the halo mass function is dighigher than in
our cosmology. This also holds for the stellar mass func@sshown in panel (1)
and from panel (F) we learn that the stellar mass fractionfascion of halo mass
is also higher (for models with the same feedback).

2.4 Metal-line cooling

Fig. 2.4

In this set of simulations we investigate what théeet is of cooling by metal
lines. Simulations without any metal-line cooling are nosifected in terms of
gas cooling from temperatures of10°-® K, where the line cooling by metals is
relatively dficient (e.g. Wiersma et al., 2009a). If gas shock heats to tagh
peratures while accreting onto galaxies, ignoring mete-tooling will make it
harder to cool down dficiently to make it onto our artificial equation of state (see
Section 2.6), where itis able to form stars. Metal-line awplvas turned fi in the
‘NOZCOOL models. A galaxy formed in these models can be seen in Fg22.
Turning df metal-line cooling reduced the extent of the gaseous diskisnmas-
sive system, as cooling the gas at high temperatures in theshass #icient.

Comparing the red dotted with the black solid curve (thersegfee model) in
panel (B) of Fig. 2.4 shows thdfect of metal-line cooling on the star formation
rates of galaxies. In general, metal-line cooling incredke SFR, because cooling
rates increase with increasing metallicities (e.g. Cox &Kau, 1969; Sutherland
& Dopita, 1993; Wiersma et al., 2009a). Thidfdrence increases with halo mass,
because the fraction of gas that is accreted hot and the mabtgmperature both
increase with mass. The cooling is more and mdfecéed by metals (the cooling
rates of heavier elements have a peak at higher temperatardsloes of higher
mass and higher virial temperature.

The mass fraction in ISM gas, as shown in panel (D) of Fig. Z54 ahows
that the fraction of ‘cold’ ISM gas is drastically lower foigh mass haloes without
feedback, than with feedback. For the higher halo masseshich the feedback is
inefficient (see Section. 2.9), there is &élience in gas consumption time scales, as
can be seen in panel (H): star formation is mdieint in the models with metal-
line cooling than in the models without. For low stellar nesssthe winds (and
thus the newly created metals) easily escape the galaxy,teatthe diference in
gas consumption time scale vanishes.
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Figure 2.4: Like Fig. 2.2, but now only for a set of simulasan which the metal
line cooling arfor the kinetic supernova feedback are turnéd the red dotted line
shows the fect of turning of only metal line cooling, compared to theckldine
which shows the reference model. Turningj metal-line cooling and supernova
feedback results in the relations shown by the blue dashed Trhe &ect of the
supernova feedback is thus illustrated by thi@edence between the blue dashed
and red dotted lines.
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Figure 2.5: Like Fig. 2.2, but now only for a set of simulasan which the reion-
ization implementation is varied. In the reference modéhdk solid line) the
evolving uniform UV background is turned onat 9. The red dotted line shows
a simulation that has no UV background at all, whereas in lihe thashed and the
green dot-dashed lines the background is turned an=at6 andz = 12 respec-
tively. The magenta dot-dot-dot-dashed line shows a sitioulén which no extra
heat input due to helium reionization arouné 3.5 is implemented.
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2.5 Reionization variations

Fig. 2.5

Reionization is implemented by turning on the model for thébackground from
galaxies and quasars of Haardt & Madau (2001). As shown irrSivia et al.
(2009a) the gas is quickly heatedTo~ 10* K following reionization. Note that
we assume the UV background to be uniform and the gas to beatiptthin. In
our reference model we set the redshift of reionization te 9. To investigate the
effects of reionization, we compare to a model without reidivza(' NOREION)
and to two in which we have varied the redshift at which we mrthe UV back-
ground: one at redshift 12REIONZ12) and one at redshift 6 REIONZ06). In
‘NOHeHEAT we do not inject 2 eV per atom at arouzd= 3.5, as we do in our
other models. This energy input is needed to match obsenadly inferred tem-
peratures in very low density IGM gas. As this is only impaottr gas that mainly
cools through adiabatic expansion, this extra input is mgtdrtant in galaxies, as
we will also show below.

The simple picture of the influence of reionization on thepamties of haloes,
is that gas residing in haloes with a virial temperature lothan Ty ~ 10* K
will be evaporated. The thermal energy of the gas is in theg ¢agher than the
gravitational potential energy of the haloes, so the basyame not bound to the
dark matter. In panel (E) of Fig. 2.5 we compare the gas frastdf haloes in the
simulations with the various reionization models. Indeéadpw mass haloes the
gas fraction is lower because of reionization. At high magke gas fraction is
slightly lower without reionization than with.

As shown in panel (B) of Fig. 2.5, thefect of reionization is indeed that in
low mass haloes the SFR is suppressed (compare the refeneaet to the model
without reionization). The amount of suppression decreagth increasing halo
mass. Whether reionization happened at redshift 12, 9réeée model) or 6, is
no longer important at redshift 2.

The extra heat input due to Helium reionization is negligiat gas densities
typical of haloes. The unimportance of Helium reionizatimids for all properties
of the haloes we will investigate in this work. We therefoencude that the
extra heat input to the IGM from helium reionization is oniggortant for the
temperature of the IGM and has nffiext on the properties of haloes formed in the
simulations.
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Figure 2.6: Like Fig. 2.2, but now only for a set of simulatdn which the equa-
tion of state (EoS) for high density gas is varied. In the neziee model (black
solid line) we use a polytropic EoS with a power law indexyof 4/3, because
this is numerically convenient. The red dotted line shovesrésults from a simu-
lation with a shallower (less $f) EoS, with a power law index of 1 (isothermal).
The blue dashed line is the result of a simulation with fiestiequation of state:
vy =5/3.
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2.6 The polytropic equation of state for high density
gas

Fig. 2.6

Our simulations lack both the resolution and the physics ¢olehthe multiphase
ISM. We therefore impose arffective equation of state (EoS) for all gas particles
with densities higher thany = 0.1 cnm3.

As the dfectiveness of feedback depends on hydrodynarfieces (mainly
drag forces), as we will show later, the equation of stateosed on the high den-
sity gas may be important. Although the star formation hiegof the isolated disk
galaxies of Schaye & Dalla Vecchia (2008) do not stronglyeaepon the imposed
EoS (provided that the star formation law works indeperigesftthe equation of
state), the structure of the disk (among which the thicknésss.

All imposed EoS are polytropic? « peff. For the reference casgs = 4/3,
both the Jeans mass and the ratio of the Jeans length andtie¢ ¢dethe SPH par-
ticles are independent of the density, making it a numdyicanvenient choice.
Two other EoS are implemented in other runs. The first one issathermal
equation of stateyegs = 1 (‘(EOS1p0, the other one is adiabaticyes = 5/3
(‘EOS1p67).

From the gas density distributions shown in Fig. 2.2.2 itleac that stiter
equations of state pressurize the gas more strongly, irggpilt a smoother distri-
bution of gas. In Paper | it was already shown that the pgbytraindex had little
influence on the total cosmic star formation rate densityalimel (B) of Fig. 2.6 we
show that the relation between halo mass and SFR ifagatiad by the polytropic
index. Although the structure of the galaxies may be sigaifily altered (see
Fig. 2.2.2), their integrated star formation propertiesiasensitive to the gtness
of the equation of state.

More generally, all physical properties of haloes (exceptlie gas consump-
tion and star formation time scales) are very insensitivahamnges in the polytropic
index in the range of 1 —/8. This also ensures that more complicated models for
the multi-phase ISM will most likely not make haloes behaitedently from what
is shown in this paper.

2.7 The star formation law

Fig. 2.7

Star formation is implemented using a pressure law. It idyces the observed star
formation rate surface density - gas surface density laagmnicutt-Schmidt law
(Kennicutt, 1998a)%. = A(Zg/1 Me pc?)", with n = 1.4 andA = 1.151x 1074
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Figure 2.7: Like Fig. 2.2, but now only for a set of simulasgoim which the in
which the only variation is in the implementation of stamf@tion. All simulations
reproduce a Kennicutt-Schmidt-like law. The reference ehgdlack solid line)
reproduces the KS-law as it is observed, with a slope in theepdaw relation

between gas surface density and star formation rate suttatsty of 1.4 and the
observed normalization. The red dotted line is the resudt simulation which has
the same power law slope in the KS law, but has a three timdseh@mplitude
(three times higher star formation rate for given gas dgnsithe model showed
with the blue dashed line has steeper dependence of staatiomrate on gas
density, and at all densities above the star formation tiwlds the normalization
of the KS-law is higher as well. Both these models theref@aeshmore #icient

star formation. The green dot-dashed line shows the restiltss simulation in
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which the star formation threshold is a function of the gasafhieity.
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Moyr~ kpc? (Kennicutt, 1998a), although these values remain contsisige.g.
Blanc et al., 2009). The threshold density for star fornraiad the normalization
of the star formation law are obtained from observationge fidrmalization should
be appropriately scaled to the IMF that is used, see Secb.Zr details about
our implementation of the star formation law, see Schaye &Dzcchia (2008).

Three diferent star formation models are run to compare with the staind
observed KS-law. One model uses a factor 3 higher normilizaivhich implies
that for a gas particle with the same pressure, the SFR ig@ fatigher (SFAM-
PLx3). In the other run, the power-law slope of the KS-law is g&sed from
n=14to 175 (‘SFSLOPE1p7% The normalisation of this model is chosen such
that the SFR surface density is the sameXgs = 1 Mo/kpc®. As this is below
the star formation threshold, this KS-law is moféaent than the reference one
at all densities. The third variation on the reference maslel model in which
the threshold density for star formation (and therefore &ds gas going onto the
equation of state) depends on the metallicity of the gasx Z~984, such that the
threshold density is equal to the reference simulationgigfmetallicity is 012,
(‘SFTHRESHZ. This model reproduces the metallicity dependence ottiieal
surface density for the formation of a cold, molecular pharselicted by Schaye
(2004).

As we show in panel (B) of Fig. 2.7 the slope, normalizatiod #meshold den-
sity of the Kennicutt-Schmidt law are unimportant for theRSéf a halo. Making
star formation at a given density either three times mdiecdve or making the
star formation rate a steeper function of the local gas tefasnd more &ective
at all densities) does noftact the star formation rate of a halo. Also, making the
threshold density for star formation a function of metélicoes not influence the
star formation rate of a halo. This indicates strongly thatglobal star formation
rates of haloes are set by the available fuel and feedbackamd not by the details
of how high density gas is treated and how star formation [gémented. In other
words: star formation is self-regulated by the available fuel aaddback

If haloes have the same star formation rate, while for a gilersity gas parti-
cles have a higher star formation rate, then the haloes rdagt #heir reservoir of
star forming gas to the higher star formatidfi@ency. In simulations with more
efficient star formation laws, we expect the fraction of gas thain the EoS to
be lower, in order to get the same total SFR and energy injedtom feedback
into the ISM. In panel (D) of Fig. 2.7 we show that this is inddéke case. While
the total gas fractions (not shown) are the same for all implgations of star for-
mation, the amount of gas that is on the EoS, and forming,s&lswer in more
efficient star formation models. The morfeztive star formation laws in these
simulations make the gas stay shorter in a star forming plaasean be seen from
panel (H), where we clearly show that the gas consumptioa sicales are indeed
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much shorter, such that the smaller amount of availablgataning gas (shown in
panel D) forms as many stars in the same halo and releasesiaraetpunt of SN
energy back into the ISM. As soon as the density fEdent the gas is transformed
into stars and their feedback prevents other gas from bexpstar forming (such
that the SFR is urfeected). The feedback accompanied with the méieient star
formation regulates the amount of gas condensing onto tkeal®l regulates star
formation.

Total baryon fractions and the amount of gas in the halo thabi star forming
(panels C and E) are much less sensitive to flieiency of star formation, as they
are largely set by the amount of baryonic accretion andiegefdedback.

2.8 The stellar initial mass function

The stellar initial mass function is under heavy debatet@rdiure. Here, we take
the approach of using a popular IMF (Chabrier, 2003) in mosuktions. The
IMF is important for several aspects of these simulationst Bf all, the diferent
ratios of low to high mass stars will result infidirences in the integrated colours
of stellar populations and infiierent chemical yields. Also, aftirent number of
SNe per unit stellar mass formed asks for consideration dleage of feedback.
In the following two section we will discuss two additionainsilations that use
different IMFs: Section 2.8.1 shows the simulation results utieeassumption of
a Salpeter IMF, while Section 2.8.2 discusses a set of stinalaith more extreme
IMFs in extreme star formation environments.

2.8.1 Salpeter IMF

Fig. 2.8
We also ran a simulation with the Salpeter (1955) IMF, rathan the Chabrier
(2003) IMF used in the reference modelMFSALP). Due to the absence of
a turnover at the low mass end, the fraction of low-mass $tamsgher for the
Salpeter IMF. Therefore, for every solar mass of stars fdirieere is less energy
available from high mass stars, as also described in S&ck. 2\Ve did rescale the
normalization of the star formation law accordingly, butwged the same wind pa-
rameters as in the reference model (b 40% =~ 66% of the total supernova
energy). From Fig. 2.2.2 it can be seen that both IMFs reaulfalaxy proper-
ties that look very similar. Also, in later Sections we wiicsv that the properties
of galaxies are not drastically féierent, although comparisons with observations
require rescaling to a consistent IMF to explaiffeliences between models.

In the simulation with the Salpeter IMFIMFSALP) the fraction of mass in
the ISM is lower and the gas consumption time (panels D and Hignf2.8) is
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Figure 2.8: Like Fig. 2.2, but now only for two simulationstiva diferent IMF:
the reference model (black solid line) uses a Chabrier (R0dE, whereas the
other simulation (red dotted line) is run assuming a Saff&®&55) IMF. The main
difference between the two is the number of high mass stars fqueradit stellar
mass formed, but the high mass slopes are almost identical.
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slightly shorter than in the reference model. This is dudéddwer amount of gas
turned back into the ISM, due to the lower fraction of massitags per unit stellar
mass. The regulation of star formation by SN feedback andeittethat the total
energy in the winds are the same for both simulations reswtless massive star
forming gas reservoir in the ISM of the galaxies, and venyilsinstellar content of
the haloes (panels A and F).

In panel (H) of Figs. 2.6, 2.7 and 2.8, where the simulatioiik different E0S
indices, KS-laws and stellar IMFs are shown we see the eglitation of the star
formation illustrated once more. The polytropic EoS indeximimportant for the
gas consumption time scale. Making the Kennicutt-Schnadt more éective,
though, results in much shorter gas consumption time scélés is reasonable, as
the same gas densipressure results in a higher star formation rate in bothethes
models, and is explained already in Sect. 2.7. Below, whedisgeiss dierent SN
feedback implementations we will see that the SN feedbaciuisal in setting the
star formation properties of haloes. The cooling of gas aedd¢edback of energy
into the ISM work together such as to put back the same amdBitl@nergy into
the ISM (for a given feedback model), regardless of the Betdithe high density
gas or the star formation law.

2.8.2 Simulations with a top-heavy IMF at high pressures

Fig. 2.9

In order to keep SN feedbackfective in high mass galaxies, higher wind ve-
locities are needed (as will be shown below). In another $ediraulations
(‘DBLIMF") stars are assumed to form with a top-heavy IMF (an IMF witkvpr
law dN/dM o« M~1) if the gas pressure exceeldgk = 2.0x 10° cm2 K (evaluated
at the resolution limit of the simulations). Observatidyahere is some evidence
that star formation in gas with high pressure (such as ststband in the centre of
the Galaxy) occurs with an IMF that is flatter than Chabrieg.(&cCrady et al.,
2003; Stolte et al., 2005; Maness et al., 2007).

The total energy from Supernovae Type Il per unit stellarsfiasned is higher
for a top-heavy IMF (a factor of 7, comparing the aforemenmgib top-heavy IMF
with the default Chabrier IMF). This extra energy can be useihcrease either
the wind mass loading or the wind velocity. We tried both ops. To facilitate
comparisons with the reference run, in one run the velocuyg Wept fixed at 600
km s71, but the mass loading was sette: 14 (‘ML14). In the other one, the mass
loading was kept fixed at = 2 and the wind velocity was increasedwp= 1618
kms?('V1618).

When changing the IMF suddenly at some pressure, it is noeidiately clear
what to do with the star formation law. The Kennicutt-Schima is inferred
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Figure 2.9: Like Fig. 2.2, but now only for a set of simulagdan which a top-heavy
IMF is used for star formation at high pressure. The refezanodel (without top-
heavy IMF) is shown by the black solid line. The extra avdé=®N energy per unit
stelar mass formed can be put in mass loading or velocityefiimds, which is
the diference between the red dotted line (mass loading 7 timesihiggan in the
reference model, at the same wind velocity) and the blueathiéie (mass loading
as in the reference model, but a wind velocity of 1618 krt).sWith a jump in
the IMF at some pressure, one can either let the star formedie be a continuous
function of the density, or let the rate of formation of maesstars (which is what
is observed) be continuous with density. This is th&edence between the blue
dashed (continuous formation of massive stars) line andtben dot-dashed line
(continuous star formation rate, so a jump in the formatete of massive stars at
some pressure).
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from observations probing massive stars. Therefore, taé$¢R depends on how
many low-mass stars are formed together with these magang 8Vhen changing
the IMF, the star formation law can be changed in two ways:

1. From observations there is no indication of a discontynim the formation
rate of massive stars with pressure. Although this is mksbfithe result of
the IMF being a continuous function of SFR or pressure (ifehig a relation
at all), we nevertheless implemented a model that changeadimaliza-
tion of the KS-law such that the formation of massive starsoistinuous,
resulting in a discontinuous SFR as a function of pressime KiS-law nor-
malization drops at the pressure above which the IMF is &g). These
models are indicated bypBLIMF'.

2. If the (total) SFR as a function of pressure is continuadlis,formation of
massive stars must be discontinuous, given that we assumeetMi- to
change suddenly above some critical pressure. Models witbhndnuous
SFR include DBLIMFCONTSFin their ‘name’.

In Sect. 2.7 we showed that the normalization of the KS-laasdwt influence the
mass function or SFR distributions of galaxies. We theefxpect dierences
with respect to the reference model to be due to the extraggrieput from SN
feedback anfr the increased rate of production of metals that resuis fa top-
heavy IMF.

When comparing simulations to observations, we do not cofoe the stellar
mass of simulations with a double IMF. On average, onl{0% of the star parti-
cles in the simulation box formed with a top-heavy IMF (thepdnds slightly on
resolution and hardly on whether the rate of formation of sivesstars, or rather
of all stars together is a continuous function of density).Schaye et al. (2010)
it was shown that at late times, this correction should beanhdt atz = 2 the
integrated SFR of the universe is noffdrent whether or not the SFRs of particles
at pressures higher than the threshold pressure for thiectayy IMF are corrected
for another assumed IMF (the SFR inferred under a Chabri€iduld be higher
than the actual SFR).

The extra energy due to the higher fraction of high mass,starly has an
effect when these particles are launched #icantly high velocities. Therefore,
the simulation that uses the extra energy to increase the lmading do not show
any change with respect to the reference model for masslegigs, as the winds
do not escape the galaxies. If the extra energy is used tedserthe wind velocity,
then the feedback does become moaifective. The extra energy input is more
important in high mass haloes, as the fraction of stars fdratea density above
the double IMF threshold increases with halo mass (in teifl% of the stars in
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the simulation are formed with a top heavy IMF, at this reBoh). Whether we
choose to have a total SFR that is continuous with pressueecontinuous rate
of formation of massive stars (and therefore a jump in toER @s a function of
pressure) is not important.

The baryon fraction in theDBLIMFML14 is indistinguishable from the refer-
ence model (note that the stellar mass fractions are slitgvler in the simulation
with a double IMF and the excess energy put in mass loadimgjcating that
the gas with the extra energy from the excess of high mass dtes perturb the
galaxy more and keep the ISM at low pressure, but the baryomotlescape the
halo. They do escape the halo in the double IMF simulationis thie extra energy
put in wind velocity, as shown in panel (C) of Fig. 2.9. Fronme&(B) of Fig. 2.9
it is clear that putting the extra available energy from sopeae in top-heavy IMF
stellar populations in mass loading did not change the SFRgzlaxy. In panel
(H) it can be seen that the gas consumption time scale, eless, has increased
by the same amount as it did for the double IMF simulations gloathe energy in
wind velocity. So although, as a function of stellar massstiae formation rates of
the reference model an®@BLIMFML14 are similar, the gas consumption times
are shorter in the reference model. We note that, as showaniel fF), the stellar
mass fraction of this simulation is lower than that of theerehce model, and we
can see in panel (D) that in this simulation the star formiag mass fraction as
a function of halo mass ikigher than in the reference model. We can conclude
that this form of feedback, which has7 times more energy, results inlarger
reservoir of star forming gas, which is used up more slowdyitas kept kept at
lower pressure. The high mass loading in the simulatioff§up’ the galaxy, such
that although there is a large reservoir of gas to form stara fthe SFR still is the
same as it would be without a fraction of the stars formed witbp heavy IMF.

A tiny difference in the stellar mass fraction in the simulation witbpatieavy
IMF for high pressure star formation that puts the excessggnaf SNe in mass
loading: the extra available energy results in a minor desgén stellar mass frac-
tion by z = 2, whereas the flierence in (s)SFR is hardly visible. Only a small
fraction of the star particles forms with a top-heavy IMF those star particles
loose mass quickly. Besides, the stellar mass content igmtegral of the SFR
over time, so tiny dierences in the SFR add up to a noticeabfedence in stellar
mass.

2.9 Supernova feedback

In order to run simulations without any feedback form supeag (SNe) all the
way to the final redshift, we turnedtanetal-line cooling. The very high metallic-
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ities and, consequently, very high densities reached wathierwise result in very
high cooling rates and very short time steps. Thereforerderato compare simu-
lations with and without SN feedback, we compare the sirmafawvithout metal-

line cooling and SN feedbackNOSNNOZCOOL) with the simulation without

metal-line cooling NOZCOOL) in Fig. 2.4.

Star formation in haloes will in general be regulated by tm@ant of available
fuel, and therefore the inflow rate of cold gas and by the faekilihat accom-
panies the formation of massive stars, which may preventmpress further star
formation by removing or heating the available gas. In pgBglof Fig. 2.4 we
compare the SFR as a function of halo mass for simulationsowitSN feedback
(and without metal-line cooling) with the reference modéijch does include both
SN feedback and metal-line cooling. SN feedback accoumtthéoditerence be-
tween the NOSNNOZCOOL and ‘NOZCOOL simulations, shown by the blue
dashed and red dotted curves, respectively. The SFR inrthdagion without SN
feedback is much higher at a given halo mass. Tiiemince declines with in-
creasing halo mass, as th@eet of SN feedback becomes less important for more
massive systems (e.g. White & Frenk, 1991).

In Fig. 2.9.1 we compare the stellar mass fractions of thedivalations of
Fig. 2.3 with the same cosmology, but a factor twfietence in wind energy (the
energy dfference is put in mass loading), but now in a 100 Mploox (using
2x512 particles as well) at redshift zero. It can be clearly sean 4hsome mass
the winds become very ifiective and the stellar mass fractions of the halo rise
steeply (10112M,, at redshift 2 and 10%°M,, at redshift zero and at 8 times lower
resolution). Below this mass, in the regime @ketive winds, the dference in stel-
lar mass fraction is exactly the factor twdierence in feedback energy. Although
it is mainly velocity that sets theffiectiveness of the winds, at a given velocity the
stellar mass fraction is still a factor two lower for a sintida with a mass loading
of the wind that is a factor 2 lower. This shows how well selfulation of the star
formation by supernova feedback works.

2.9.1 Winds with constant energy per unit stellar mass forme

Fig. 2.10

In the set of models shown in Fig. 2.10 we vary the parametetiseowinds re-
sulting from massive stars and core collapse supernovaee Bfecifically, we
compare 4 simulations which all use the same feedback epergynit stellar mass
formed. The winds are implemented kinetically and are $jgecby the mass load-
ing (the amount of mass put in the wind per unit of mass transfd into starsy
(denoted by ML’ in the simulation names) and the velocity with which thisssa
is kicked, v,. For more detailed information about the wind implementatisee
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Figure 2.10: Like Fig. 2.2, but now only for a set of simulatdn which the wind
velocity and mass loading are varied. The reference siiulgblack solid line)
has a mass loading gf= 2 and a wind velocity of 600 km™$. The simulations
shown by the red dotted, blue dashed and green dot-dastesdslow variations
on this at the same energy, but with the mass loading charimyirey factor of 2
(and, therefore, the velocity by a factaf2), giving a mass loading of 1 (a velocity
of 848 km s, red dotted line), 4 (a velocity of 424 km’s blue dashed line) and 8
(velocity of 300 km s, green dot-dashed line). The magenta dot-dot-dot-dashed
line represents a simulation which has a mass loading amditeldependent on
the local density, such that the energy in the wind is stélshhme and the velocity
is proportional to the local sound speed.
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Dalla Vecchia & Schaye (2008). The reference simulationmss a mass loading
of 2, and a wind velocity of 600 km$, which corresponds to 40 per cent of the
energy available from core collapse SNe. The wind kinetergy scales linearly
with mass and quadratically with velocity, a change of faotm the mass loading
requires a facton=/2 change in the wind velocity. The mass loadings in the four
simulations are 1, 2 (reference), 4 and 8, with correspandatocities of 848, 600,
424 and 300 kn's, respectively. An example of the notation used throughizait
paper would beWML1V848for n = 1 andv,, = 848 km s

We expect that winds with a constant velocity will not fgaéent in every halo.
Aside from gravity, which sets a gravitational escape \igjpambient gas has to be
swept up and dragged along. This will slow down the wind dubéaconservation
of momentum and due to ram pressure forces. This gas draggses with the
pressure of the ISM and thus with the mass of the galaxy. ABowge halo mass,
the winds will be slowed down too much and will not escape tidaxy any longer.
Dalla Vecchia & Schaye (2008) showed explicitly that slogvitiown the winds
and making them irfeicient above some mass is caused by gas drag rather than
gravity (we will show this again below, in Sect. 2.9.2). Besa of the dependence
of the mass at which the winds becomefigetive (as shown below) we have also
performed simulations in which the wind velocity scaleshitcal properties. One
such simulation, with constant energy in the winds, is cal@DENS In this
simulation the distribution of the energy over mass andaisias determined by
the local gas density (i.e. the density of the gas from whietstar particle formed)
as follows: vy o p1/8, 5 o« p=/3, which impliesvy « cs for the dfective equation
of stateP « p*? that we impose onto the ISM (see Section 2.6), whgris the
sound speed. The normalization is such that the wind vgl@eitt mass loading
are the same as in the reference model if the gas densityseiipgastar formation
threshold, i.eny = 0.1 cnT3. From Fig. 2.2.2 it is clear that this variation in wind
velocities does not result in veryftkrent appearances for the galaxies, whereas
the star formation propertiesftir strongly.

In Fig. 2.10, the simulations with constant wind energiag, different mass
loading factors and wind velocities are compared. At lovolmass, the models are
very comparable. At some halo mass the SFR (panel B) suddeskyup strongly,
and the mass at which this happens increases with wind w#eld@omparing the
different models in Fig. 2.10 to th&dOSNNOZCOOL in Fig. 2.4 shows that
the relation between SFR and halo mass is, at high stellasgeasimilar to the
simulation without any feedback (and without metal linelgay), suggesting that
the feedback indeed is completely fiextive. High wind velocities are slightly
less dficient at low halo mass, because of the lower mass loadingiwitds. For
the low mass systems, the wind velocity is not importanthasainds escape the
halo anyway.
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For the WDENS model, the energy injected in the wind per unit stellar mass
is also the same as in the reference model, but the initiad wahocity scales with
the local sound speed. The relation between halo mass anis&vBn shallower
than it is for the run withs, = 848 km s1, indicating that the feedback igfieient
for all haloes. At high masses, this is the ma$eetive wind model with constant
energy.

We have seen that for haloes that havefeaive feedback (due to too low
velocities), the star formation rate is very high, and tHatien between star for-
mation rate and mass has a shallower slope than for simusatiith efective SN
feedback. One important result that can be seen from the aisop of the ref-
erence model with the model without metal-line cooling (F2g}) is that turning
off metal-line cooling reduces the star formation mostly inttlghest mass haloes.
Although this model has the feedback as in the reference intbéestar formation
rate apparently is lower. In paper | it was already argued rietals reduce the
efficiency of the winds. The low wind velocities will result in meocentrally con-
centrated metal distributions, reducing tH&agency of the winds more strongly
in high mass, than in low mass haloes. Comparing the sirounkatin Fig. 2.10
with the simulation without metal-line cooling in Fig. 2.4@vs that the transition
from effective winds to inffective winds is much more gradual in the absence of
metal-line cooling.

As is clear from panel () of Fig. 2.10, bringing down the ®ayf the low mass
end of the stellar mass function can be attained by incrga$ie mass loading
factor in constant energy winds. The highest mass loadilgses a low mass
end slope that is steeper than power law fits to the low masméhd observations,
although the discrepancy only occurs on masses lower tluse thbserved.

In panel (F) of Fig. 2.10 we show the stellar mass fractiorth®@simulations of
different wind models with the same energy and it can be seentttie 2ery low
mass end, the simulations with a low velocity (and therefogh mass loadings)
the stellar mass fractions are lower than for simulatiorth wiower mass loading.
This also reflects in a shallower low mass end slope of thiastelss function, as
illustrated in panel (1). Fig. 2.9.1 shows the stellar maastfons of two simulations
which differ by a factor of 2 in feedback energy (as described in Se2ti®n The
difference in energy is used to increase the mass loading at fkecity, such that
the indficiency of the winds kicks in at the same halo mass. At the low hass
end, the dierence in stellar mass fractions of the two simulations escéof of 2.
This illustrates how the energy in the feedback directlg gt fraction of the mass
that transforms into stars.

The baryon fractions and the fraction of the mass in warmglastin the halo
(panels C and E) show that at low halo masses, the amount ¢bigasjuivalently,
baryons) in the halo is higher for lower wind velocities. $aevinds, even if they
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Figure 2.11: The stellar mass fraction as a function of haéssrin 10tch~*Mpc
boxes with 512 particles at redshift 0. We compare here two models with each
other that difer in supernova feedback energy by a factor of two (two tinmigisdr
mass loading in the wind, same wind velocity) at redshift O.

do escape the ISM and near vicinity of the galaxy, can notgestizeir parent halo.

A comparison of (G) and (H) is once again an illustration @& tegulation of
star formation by SNe. The gas consumption time scales ¢imeime where the
winds are all éicient) are very similar. Per unit stellar mass formed, theesa
amount of SN energy is fed back into the ISM and usédiently to suppress star
formation. The sSFR, as displayed in panel (G) afiedént, because the build-up
of stellar mass has beenfdirent. The gas consumption time scale is likely the best
indicator for at which mass the winds becomefiiogent.

2.9.2 Hydrodynamically decoupled winds

Fig. 2.12

Most simulations using the codeaGser-2 employ the Springel & Hernquist
(2003a) implementation of kinetic SN feedback. In this mdde wind particles,
once launched, are temporarily decoupled from the hydraaiycs. The coupling

is turned on again after a fixed amount of time (50 Myr), or whendensity of
the wind patrticle falls below some value (10% of the star fation density thresh-
old, i.e. whenny < 1072 cm3), whichever occurs first. During decoupling a
gas particle experiences gravity, but no hydrodynamic.dbsgoupling the winds

is expected to result in afiierent SFR for high mass galaxies, as feedback will
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Figure 2.12: Like Fig. 2.2, but comparing only the referesioeulation (black solid
line) and the simulation in which the wind particles are tenapily decoupled from
the hydrodynamics (red dotted line).
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remain dficient in the halo mass range where our reference model beciomak
ficient due to gas drag in the ISM (see Dalla Vecchia & Scha9882 In prac-
tice, decoupling the wind particles means that the windiglag fly out of the
galaxy before they couple again, and therefore do not dragtier ISM particles.
The winds leave the galaxies at much higher velocities thatihé OWLSrefer-
ence model (and all other wind models as well), mimickingudations that use a
much higher wind energy and velocity. For a detailed studyhefefect of decou-
pling for the case of isolated disk galaxy simulations, saéeDVecchia & Schaye
(2008). For comparison, we have also run a model with then§eli& Hernquist
(2003a) decoupling, denotedHYDRODEC Note that isolated galaxies formed
with decoupled winds look less realistic, particularly@t/imasses (Dalla Vecchia
& Schaye, 2008). From Fig. 2.2.2 we can see that the gas gengiide the disc
is much higher in this model.

Decoupling the wind hydrodynamically givefective feedback for all haloes,
as the mass of the gas that has to be dragged along is zerbpadiales launched
in the wind escape the galaxy. Therefore, the SFR for thisilgition is lower at
(relatively) high masses than the reference model. Foraivedt mass, where the
reference model also has verffeztive feedback, as discussed in Sect. 2.9.1, the
difference decreases, as shown in Fig. 2.12. From this laffprafice between
the ' WHYDRODECand the REF models we can conclude that it is not gravity
(which acts on the winds in both simulations), but the hyginasmic forces which
makes the winds less prone to escape in high mass haloessadready shown
by Dalla Vecchia & Schaye (2008).

Because of the lag of hydrodynamic coupling in the first femstef Myrs, the
gas flows out to large distances. When it couples to the hydiaodics again, it
still has a larger velocity than it would have had at the saroatlon, if the coupling
was never broken. Therefore, also at larger distancestitlisasier for the gas to
flow out. This results in the lower baryon fractions, and ti@ts of mass in gas
in the halo in the model with hydrodynamic decoupling, aisv in panels (C)
and (E) of Fig. 2.12. The fact that the gas does not drag alangunding gas
while it is in the ISM of the galaxy it is launched from resuhisa larger fraction of
the mass in the ISM in the lowest mass haloes (with decouptimge mass would
have been dragged outwards), as shown in panel (D). Thigessits in a slightly
higher stellar mass fraction at low mass, as shown in panel (F

2.9.3 Thermal SN feedback

Fig. 2.13
Instead of launching the wind by injecting kinetic energg also use an imple-
mentation of thermal feedback, in which we inject thermagrgg into the gas
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Figure 2.13: Like Fig. 2.2, but comparing only the referesgaulation (black
solid line) and the simulation in which the supernova feettbia implemented
thermally, instead of kinetically (red dotted line).
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surrounding the star particle that has exploding SN. If tredlable energy is dis-
tributed amongst all SPH neighbours, the rise in tempegatarresponding to the
energy input is so low that radiative cooling will be verffigent. In that case,
particles will immediately radiate away this energy anddfeseck will have little
effect, unless the cooling is temporarily turnefdl @ori et al., 1997; Thacker &
Couchman, 2000; Kay et al., 2002; Sommer-Larsen et al.,;ZB@®k et al., 2004;
Stinson et al., 2006). Therefore, we choose to inject thertakenergy into neigh-
bouring gas particles, ensuring that the temperature opdinticle rises to within
the radiatively inficient regime, using a temperature riseAdt* = 10"° K. The
expectation value for the number of particles to heat is thfar 40% of the avail-
able SN energy. For details on the thermal feedback impléatien we refer to
Dalla Vecchia & Schaye (in prep.).

Although injecting 100% of the available SN energy can bdifjed in the
case of thermal feedback (the 40% chosen in the other impliextiens described
above allowed for radiative losses), we choose to use 40%der do facilitate
comparison with the other models.

The thermal implementation of SN feedback is shown in Fi§32 Although
the same energy is used per unit stellar mass formed, theahénplementation
is less dective than the kinetic implementation. Note that it isl stilch more
effective than thermal implementations used in literaturg. (Kay et al., 2003)
and that we still use only 40% of the available SN energy, whgr100% could
be justified in these models as well. At low masses, the SFRkigher than the
reference model, and get close to the wind models with lowoités (4, = 424
km s1). For higher masses, the relation between halo mass and @fRthe
tracks of ingfective feedback for the simulations discussed in the pusvézction.

The thermal implementation also is mon@egtive at low masses than at high
masses, as illustrated by the gas consumption time scalel(BH, the stellar mass
fraction (panel F) and the fraction of the mass in the ISM bdp). Whenever
thermal energy is transferred to gas particles, thesecfgstiespond by adiabatic
expansion due to their suddenly higher temperature. WRparmrding, they push
away other gas patrticles, and as such a large scale outflovstiiayise. Depend-
ing on the mass of a galaxy, the cooling time (due tdedént metallicities and
different pressures) and the surrounding ambient pressureh(wiakes it harder
to expand) influence thetectiveness of this form of feedback.

2.9.4 ‘Momentum-driven’ wind models

Fig. 2.14
Galactic winds could be driven by radiation pressure on deains in the wind,
which drag along the gas (Murray et al., 2005). Here the wgiyorce of the wind
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Figure 2.14: Like Fig. 2.2, but comparing a set of simulaiovith momentum
driven winds to the reference simulation (black solid line)WVCIRC' (red dot-
ted line), the wind velocity depends on the circular velpoit the halo the wind is
launched from, while IfWPOTNOKICK’and'WPOT' it is the local gravitational
potential that sets the wind velocity (without and with akkishown by the blue
dashed and green dot-dashed lines respectively). Theyeimetigese winds is not
constant and generally exceeds the energy in the referenoéaton.
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is the radiation pressure which injects momentum into thiélaw and therefore
such models live under the common name of ‘momentum drivensti As it is
the stellar continuum radiation driving the dust grains, dfficiency of such winds
increases with galaxy luminosity and, therefore, mass.

We implemented some such models, which are similar to theentum driven
wind models used by Oppenheimer & Davé (2006, 2008). Heesehergy of the
wind is not constant, but depends on either the local patefitVPOTNOKICK)
or the circular velocityy. = VGMyir/Ryir of the halo the wind is launched from
(‘WVCIRC). Note that the energy put in the wind per unit stellar massnied
scales with the mas£(« MY/3) and exceeds the available energy from SNe for
the most massive galaxiedl(> 10'*° M, the exact mass of equality is redshift
dependent, due to the redshift dependence of the virialisadiWe show in Ap-
pendix 2.11 that, compared to the momentum available frafiatian pressure,
the momentum in the winds in these simulations is overestichay an order of
magnitude or more.

In ‘WVCIRC the wind velocity and mass loading are given By = (3 +

n)ve/ V2 andn = % x (Ve/Verit) "1, wheren andvgiy are parameters, set to 2 and

150 km s, respectively. From the image in Fig. 2.2.2 it can be seehttie
‘WVCIRC wind model completely disrupts the disc of the galaxy.

In the WPOTNOKICKmodel, the wind velocity is given by, = 30, whereo
is the velocity dispersion, calculated from the gravitagibpotential:.oc- = v-®/2.
In *WPOT we added an extra kick in the velocity o620, as did Oppenheimer &
Davé (2006). These models both have velocities that deperible local gravita-
tional potential. This potential is, however, more clos&hated to the large-scale
structure you are in, than to the mass of the halo. Note thall imodels we do
couple the wind particles to the hydrodynamics, wheredgeatudies did not.

The dfects of the dierent momentum driven wind models are shown in
Fig. 2.14. Scaling the energy with the potential of the staming particle or
with the mass of the halo the wind is launched from resultslatively shallow
relations between SFR and halo mass. The relatiol¥*fOTNOKICK s noisier
than the other momentum driven wind models, because thedotential tells you
more about the large scale structure the halo is in than dbewictual mass of the
halo, and therefore the energies at given halo mass scatter. 1@iving the wind
an extra kick in velocity on top of the kick it would be given‘WPOTNOKICK,
as done inWPQT, results in even stronger feedback and correspondingleto
SFRs.

For most simulations, there is a very tight correlation ket the gas con-
sumption time scale and stellar mass, with not much scagtwveen the simula-
tions, especially at the low stellar mass end. As long asgbeétfack is #icient, the
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gas consumption time scale is a decreasing function ofstelass, independent
of wind velocity and mass loading. The energy in the windserstkne dierence
as can be seen in panel (H) of Fig. 2.14, where the momentwandwind models
are plotted.

In panel (C) of Fig. 2.14 one can reaff the dfectiveness of the momentum
driven wind models in terms of the baryon fractions of theokal These mod-
els are successfully used by Oppenheimer & Davé (2006)eBa@ppenheimer
(2007); Finlator et al. (2007); Oppenheimer & Davé (20@8jitthe z = 6 lumi-
nosity function, the evolution of @ and to explain the galaxy mass-metallicity
relation andz = 0 IGM abundances. Here we show that the haloes have roughly
constant baryon fractions with halo mass and fairly high jgarad to most other
models, except in the most massive haloes, where the othéelsovershoot the
momentum driven wind models. Tests on the enrichment of@d in our simu-
lations are studied in more detail in future studies.

In panel (F) of Fig. 2.4 we show the stellar mass fraction asnatfon of to-
tal halo mass for the simulations described in Sect. 2.9. eMfiicient feedback
(so, high wind velocities in high mass haloes, like in the raatam-driven wind
models, the hydrodynamically decoupled winds and the sitiarls with a double
IMF where the excess energy is put in wind velocity) result#dtter stellar mass
fractions as a function of mass. For haloes for which the wigldcity is too low
for the winds to escape, the stellar mass fraction shoot®uly. for the very most
massive haloes, for which some of the SN feedback modelgin2Fi0 (the con-
stant wind velocity models) are very ifficient, some simulations have a stellar
mass fraction approaching the stellar mass fraction of ithelation without SN
feedback and without cooling. If the wind velocity isfBaiently high to make the
feedback #icient, the mass loading will set the amount of fuel for stamfation
that is removed from the system. In the momentum driven windefs as dis-
cussed here, the mass loading becomes higher for lower raksdes, thats why
the slope of the stellar mass function (panel 1) is gettingjletver towards lower
masses.

2.10 AGN feedback

Fig. 2.15

Many varieties of AGN feedback have been implemented, se#tB& Schaye
(2009), of which we will show only one. Haloes are identifi¢cmall time inter-
vals during simulation runtime, with FoF, as describediearlf a halo has a mass

of at least 4x 10'° M, and no black hole yet, a seed black hole is placed at the
position of the most bound baryonic particle. The mass ofstexd black hole is
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Figure 2.15: Like Fig. 2.2, but only comparing the referenoedel (black solid
line) to a simulation that includes AGN feedback (red dotiee).
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15.6 times smaller than the mass of a baryonic particle {9* M,). The black
hole is then grown by accretion, limited by the Eddingtonitjrar mergers. This
growth is self-regulated, in the sense that the black hotew gery fast (at the
Eddington rate) onto the black hole mass - stellar masgaoeland then continues
to grow along the observed relations. AGN feedback on theosoding gas is
implemented thermally, i.e. the black hole stores its dedrenergy until the feed-
back will heat one neighbour (stochastically) by 0 The radiative &iciency is
assumed to be 10% and 15% of the feedback energy is assumedpie ¢o the
ISM, i.e. the feedback enerd¥sceq = 0.015MacrC2.

As described by Booth & Schaye (2009), this model reprodtive®bserved
black hole scaling relations, the black hole fundameng@h@land the global black
hole density of the Universe. Fig. 2.2.2 shows that AGN feetths the only model
as destructive as the momentum driven winds in terms of remgayas from the
haloes. This is also visible in panels (C - E) of Fig. 2.15, mehieis obvious that
the ISM and halo gas content (and thus the baryonic contdnithws dominated
by gas in the halo) of galaxies is strongly reduced above dmitemass.

AGN feedback has been argued to suppress star formatioghmmmass haloes
(e.g. Di Matteo et al., 2005; Croton et al., 2006; Bower et 2008; Booth &
Schaye, 2009; McCarthy & Others, 2009). In order to overcawding catas-
trophes in high mass haloes, a continuous source of heatimgciessary, shutting
off almost all star formation (e.g. Edge & Stewart, 1991; Maitcoby 1998; Kha-
latyan et al., 2008). In panel (B) of Fig. 2.15 we show the I&#dR as a function
of mass for the AGN feedback model. Indeed, tifie@ of AGN is strongest at
high masses, but is already noticeable for masses as low"a%%10l,. When
seed black holes are inserted into haloes, the AGN quiclkdwgmto the scaling
relations, as shown by Booth & Schaye (2009) and #iectve in heating up the
gas in the central regions of the galaxy and decreasing tlie B&nels (B) and
(F) of Fig. 2.15 shows that the inclusion of AGN feedback ediéowers the star
formation rate of haloes and, as a result, the stellar mastdns.

From the panels (D), (E) and (F) it can be seen that AGN are efigient at
removing gas from the ISM and slightly les$ieient in removing gas from haloes.
AGN lower the stellar mass fraction by a slightly smaller amithan it lowers the
fraction of the mass in the ISM by redshift 2, as stellar méss lauilds up in lower
mass systems in which AGN feedback is lefgent. The stellar mass function,
as shown in panel (I) slightly undershoots the observethstelass function. The
SN feedback in this simulation was tuned to reproduce tla $tdr formation rate
density of the Universe fairly well. Including the extra AGdBkedback will then
under-reproduce the stellar mass content of the Universe.
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2.11 Conclusions

We have analysed a large set of high-resolution cosmolbgjicaulations from the
OWLSproject (Schaye et al., 2010). We focused on the baryonipesties of
(friends-of-friends) haloes at redshift 2, while varyingr@meters in the sub-grid
models for radiative cooling, reionization, the pressufr¢he unresolved multi-
phase ISM, star formation, stellar feedback and AGN feekibas well as the
cosmology, box size and mass resolution.

A central conclusion from this work is that the star formatiate is self-
regulated by galactic winds driven by massive stars. Thefstenation rate ad-
justs so that the (time averaged) rate at which energy andemtum are injected
is suficient to balance the gas accretion rate. This self-regudtappens through
the ejection of gas from the galaxy in large-scale outflowsr & fixed redshift
and halo mass, the accretion rate is determined by cosmalugjgzooling. As the
cooling rate is very sensitive to metallicity, chemicaldback is also important.

For low-mass haloes < 101 My, M, < 10° M,) the reheating associated
with reionisation is important, although lzy= 2 the results are insensitive to the
redshift at which reionisation happened, at least as lotitghappened no later than
Z = 6, as required by observations. Without reionisation, géhledoes would host
higher-mass galaxies with higher gas fractions.

For halo masse® > 10"'M, AGN feedback becomes significant and for
M > 10%2My (M, = 10'9M,) it strongly reduces the star formation rates and
gas fractions. We note, however, that the mass for which A&diback becomes
important can be changed by modifying the parameters ofltdak hole accretion
model (Booth & Schaye, 2009). As was shown by Booth & Schap@4®, AGN
feedback self-regulates the growth of supermassive blalgslthrough the ejection
of gas from galaxies. As a result, the black hole growth rafasis so that the
(time-averaged) rate at which energy and momentum are@udmalances the rate
at which gas accretes onto the galaxy. As the black hole agggithe gas fraction,
it also regulates the star formation rate.

Conclusions that support this picture of self-regulated ftrmation and other
conclusions from this work can be summarised as follows:

e The gas fractions of galaxies are sensitive to the assuraetbstnation law.
If star formation is moref&cient, the gas fraction is lower. This is a result of
self-regulation: the gas fraction increases until the fation rate of massive
stars is sfficient to drive galactic winds that can balance the rate athwhi
gas accretes onto the galaxies. As a consequence, the rstetifin rates
and stellar masses are insensitive to the assumed startifonraw.

¢ In order for kinetic feedback to befeient in suppressing star formation, the
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initial wind velocity must exceed a minimum, halo mass dejgen, velocity.
As was also shown by Dalla Vecchia & Schaye (2008), if the wdpded
is too low, the outflow is quenched by hydrodynamic drag inl®e. As
the pressure of the ISM increases with the mass of the gasaxgipes the
required wind velocity. If the velocity is skiciently high, then the mass
loading factor sets the amount of mass removed from thersyatel hence
the dficiency of the feedback.

e If winds do not escape the galaxies, the pile-up of newly teckanetals
results in catastrophic cooling. The gas fiagently converted into stars
and gets exhausted. This results in a change in the relagtwebn star
formation rate and the mass of a galaxy. The SFR as a funcfiomass
quickly becomes flatter because of the exhaustion of gas.

e The stellar mass, star formation rates, and gas fractiogmlakies are in-
sensitive to the dfiness of the equation of state that we impose on the unre-
solved, multiphase ISM.

¢ In a cosmology with a highetg structure formation happens earlier, and
therefore, galaxies in a fixed halo mass at a fixed time havewhiat higher
stellar masses. The characteristic densities are als@higlhich reflects
the higher density of the Universe at the time the halo fornTéubse higher
densities, in turn, cause feedback from star formation tmive indficient
at slightly lower masses ifg is higher. The diterences in halo properties
between dferent cosmologies are, however, much smaller than tfierdi
ences between the cosmic star formation histories we fausthaye et al.
(2010). This is because the halo mass function is sensiives$mology,
which is more important for the star formation history thae telatively
small change in the internal properties of the galaxies axexftime and
halo mass.

We compared our predictions to twdidirent observational results: the specific
star formation rate as a function of stellar mass and th&astalass function. The
latter function can be thought of as a convolution betweerhtilo mass function
and the stellar mass as a function of halo mass. As we are ti@N\WYMAP year-3
cosmology, our mass function is not quite right. In parécubur underestimate of
og Will cause us to underestimate the stellar mass functiometthe assumption
that the dfference in cosmology onlyfi@cts the halo mass function, which is cor-
rect to first order (as our comparison of the WMAP year-1 arat-gecosmologies
confirms), we could correct our stellar mass function. Weehast done this here,
but plan to do so in future work.

The comparison with observations revealed that:
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¢ In almost all simulations, the stellar mass function is elts the observed
number densities of galaxies over much of the observed naaggr The
shape is dferent though, with most models having a steeper low-mass end
None of the simulations predict a clear exponential dtiabthe high-mass
end, but this could just be due to our limited box size (we ptatest this
soon). The low-mass end is only steeper than extrapolatb&@shechter-
function fits to the observations. Except for models wittticent feedback,
the number densities agree well within the observed maggran

e For a fixed wind energy per unit stellar mass, the slope ofdherhass end
of the stellar mass function increases with the wind vejodihis is because
higher wind velocities keep the feedbadk@ent up to higher masses. In ad-
dition, low wind velocities correspond to high mass loadiactors and thus
to more dficient feedback provided the wind velocity remainsfisiently
high, as will be the case for lower mass galaxies. This suggbat we
could reproduce a wide range of stellar mass functions byingake wind
velocity a function of the halo mass, even for a fixed amourrargy.

e The predicted specific star formation rates as a functiortedfas mass are
lower than observed. The discrepancy is worst for modelshiicivthe feed-
back is dficient. The negative slope in the relation between the sSER an
stellar mass is only reproduced by models for which feedlmakefficient
in the observed mass range. Models without afigient feedback still un-
derpredict the sSFRs because their stellar masses areTtigtonly models
that can reproduce the high values of the observed sSFRsom@ with very
efficient feedback in low-mass galaxies (i.e. models with higtssroading
factors) and these models still only match the observationghe stellar
masses corresponding to the halo mass at which at the fdeidida@coming
inefficient. For higher stellar masses the sSFRs are again tooridwha
stellar mass function too high.

Thus, there is tension between the observed stellar masgdarand the ob-
served sSFRs. The high observed star formation rates fi@illito match unless
feedback suddenly becomesfiiigient at the lowest stellar masses for which ob-
servations are available, > 10>°M;). It cannot be infiicient in low-mass
progenitor haloes though, because otherwise the stellss mauld already be too
high, which would reduce the sSFR and would overpredict tbkkas mass func-
tion. The feedback can also not remainfti@ent as the stellar mass increases or
else the stellar mass function would again be too high.

Our investigation clearly shows that winds driven by feexddaom star forma-
tion determine the main properties of galaxies residingaloés of a given mass.

60




2.11. CONCLUSIONS

LO25N512 ———
LOT12N256 ----- E
LOOBN128 —-—------
LO25N256 ——— |4
LO25N128 ———

Log[SFR (Mo/yr)]

1.0 11.5 120 125
Logwo[Mm\o (M )]

o]

Figure 2.16: Median star formation rate as a function of hmblss az = 2 for

5 simulations with dierent particle numbers afuat box sizes as indicated in the
legend. The vertical dotted lines indicate the mass of 2@0R chatter particles in
the simulations shown by the curves in the correspondingues! At the low mass
end, the median SFR falls to zero, as more than half of theebatoa bin do not
have gas particles with a density above the star formatishtiold. Above a mass
corresponding to 2000 dark matter particles per halo, tHe &Fa function of halo
mass is reasonably well resolved.

Even for a fixed amount of energy per unit stellar mass, variatin the sub-
grid implementation of feedback from star formation previgs with considerable
freedom. This freedom can possibly be exploited to matclemBbsons spanning
a wide range of masses, which would provide the simulatiatfs seme of the at-
tractions of semi-analytic models. However, this potémstizcess comes also with
the disadvantages of such models: the underlying physiagdwemain poorly un-
derstood. As higher resolution simulations become feasthle need for subgrid
models to generate galactic outflows in cosmological sitirara will hopefully be
removed.

Further improvement in our understanding of the physics dieéermines the
global properties of galaxies will likely come from theacat models and obser-
vations focusing on galactic winds. The physics of star fatiam is less crucial as
the time-averaged, galaxy-wide star formation rates ayeélated by the large-scale
outflows.
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Appendix A. Numerical convergence tests

In order to investigate the convergence of our results vaipect to box size and
resolution, the reference model is run in Helient simulations, together making up
complete sets of three simulations with the same box sizejitferent resolution
and another set of three simulations with constant resoldiut diferent box sizes.
The simulation that is common to both, is the reference stiar used throughout
the paper. We will denote the simulations BXXXNYYY, where XXXis the size
of the simulation box in comoving~*Mpc andYYYis the number of particles per
spatial dimension (for both dark matter and baryons weY)¢¥ particles). So,
the reference simulation here iS025N512

The two sets are:

e L025N512, LO12N256Gind LO0O6N128 which all have the same numerical
resolution, but a dierent box size, varied in steps of a factor of two. These
three runs will be shown in black lines withftirent line styles (solid, dashed
and dot-dashed, respectively).

e LO25N512, LO25N256nd L025N128 which have the same box size, but
different resolutions. The mass and spatial resolutions cHangdactor of
8 and 2, respectively. These will be shown by black, blue addsplid lines,
respectively.

In this Appendix we will show all Friends-of-Friends haladentified in the
simulation that have at least 20 dark matter particles, iwhas we will show, is
not enough to obtain converged results.

Fig. 2.16 shows that the box size has no influence on the staafmn rates,
as the lines with dferent line styles (which corresponds to runs with the same
resolution but dierent box sizes) all overlap. The onlffext is in the sampling
of the mass function: in a bigger box higher halo masses anglsd. This is as
expected: the dense regions of haloes do not care aboutzén@fsihe universe
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one simulates (provided it is large compared with the objgmmselves), but rare
objects can only be sampled infBaiently large boxes.

Mass resolution is an issue when simulating star formatasngcan be seen
by comparing the black, red and blue solid curves in Fig. 2.T6e minimum
non-zero SFR a halo can have corresponds to having one stainfp particle
at the star formation threshold. For simulations with loyarticle masses this
minimum SFR is lower (the minimum SFR in the highest resotutsimulation
is 6.2 x 10% = 1032 M, yr'! and scales linearly with particle mass). For the
lowest halo masses for which the median star formation exteson-zero, the SFR
will be slightly overestimated. The overestimate resulbsf the underestimate of
the SFR at lower masses, which makes both gas consumptiogaantemoval
through feedback lesdfient. Because the lines all get close together at high
masses, we conclude that the halo star formation rates e the high mass
end. The unresolved star formation at early epochs (whewendialo is less
massive) accounts for only a small fraction of the stellassria massive objects.

In Fig. 2.16 the vertical dotted lines denote 2000 times thek anatter par-
ticle mass in the simulations of the same colour. The halofetanation rates
are reasonably converged above these halo masses, as casanlb@yscomparing
the blue and black curves (highest versus eight times |lopatiad resolution) to
the right of the vertical blue dotted line. The halo massmegivhere the median
star formation rate is zero, because more than half the sidloaot have any gas
particles with densities above the star formation threghisl also removed when
demanding a minimum number of 2000 dark matter particledhaker. The haloes
are responsible for the sharp drop in the lowest mass bin.

The build-up of stellar mass is influenced by the SFR at altkprior to the
epoch at which it is measured. As all haloes were initiallyabrand thus poorly
resolved, the early build up of stellar mass is undereséthdndeed, Schaye et al.
(2010) have already shown that our higher resolution sitimula resolve the cos-
mic star formation rate at earlier epochs. We therefore eéxpat the convergence
of the (s)SFR as a function of stellar mass is slightly wonsetthat of the SFR as
a function of total halo mass.

Fig. 2.17 shows the same simulations as Fig. 2.16, but nowaté¢he specific
star formation rate against halo stellar mass (3FR The vertical cut-& at the
low mass ends corresponds again to haloes for which the mst@iaformation rate
is zero. At slightly higher stellar masses the specific siemftion rate decreases
with stellar mass, but in this regime the results dependhgtyoon resolution. The
same three regimes as in Fig. 2.16 can be identified, plus ddiécmal dfect:
as the resolution is decreased, a fixed stellar mass comésgo a smaller halo
mass and hence a lower star formation rate. The mass range/biah the SSFR
is an increasing function of stellar mass starts at a stel@ss corresponding to
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Figure 2.17: The median specific star formation rates ofdsabs a function of
their stellar mass a = 2 for 5 simulations with dferent particle numbers afwt
box sizes as indicated in the legend. The vertical dottesklindicate the mass
corresponding to 100 star particles in the simulations shbwthe curves in the
corresponding colours. The sharp ctit-@t low masses again stems from the fact
that there is a minimum to the (non-zero) SFR. Right of theicardotted lines
the specific star formation rates are reasonably well cgeder

about 100 star particles, as indicated by the vertical dditees. This is also the
regime for which the results become insensitive to resmitas can be seen by
comparing the solid black and blue lines rightwards of tleelttue, dotted line and
by comparing the solid blue and red curves rightwards of ¢k dotted line. We
note that, as expected, the same trends are found fof &R

Fig. 2.18 shows the stellar mass fraction as a function ab hadss for the
same set of simulations as used in Fig. 2.16. The verticaddinhes indicate our
adopted resolution limit of 2000 dark matter particles. Tregonal dotted lines
indicate the stellar mass fraction for haloes consistingQff star particles, which
is our resolution limit for plots with stellar mass on the izontal axis. The fact
that for a given resolution (i.e. colour), the solid curvéeisects the two dotted
lines in nearly the same place, implies that the cuts of 1@0rticles and 2000
dark matter particles are very comparable for the set oflsitioms of the reference
model at high resolution. Above this resolution limit of 20@ark matter particles,
the stellar mass fractions are nearly converged. At lowsologion, a minimum
number of dark matter particles is a more stringent cut thariremum number
of star particles. Throughout the paper we use a minimum eumbdark matter
particles when we plot quantities as a function of halo mass.
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Figure 2.18: Median stellar mass fraction as a function ¢ in@ass atz = 2 for

5 simulations with dierent particle numbers afuat box sizes as indicated in the
legend. The vertical dotted lines indicate the mass cooredipg to 2000 dark mat-
ter particles in the simulations shown by the curves in threesponding colours.
The diagonal black dotted line indicates the relation fdodéa with 100 star par-
ticles (the cut that is made in the rest of the paper wherdioak with stellar
mass are shown). As can be seen, in the highest resolutiarasiom, the cuts
made throughout this paper in minimum number of dark matgtigles and the
minimum number of star particles roughly correspond to eattier. At lower
resolutions, the cut in dark matter particle number is moiagent.

Although we will not show them here, we found that stellar stasmctions are
already converged with respect to mass resolution for kakgth 10 star particles
or more. Cuts in the number of dark matter particles, or indked particle number,
are much more delimiting. One would throw away many more é®lib a total
particle number cut is made instead of a star particle nurobiefthe stellar mass
function is only as nicely converged at= 2 for haloes with 500 particles of all
types together as it is for a minimum of 10 star particles)b&aonsistent with the
rest of the results show in the paper, we only plot stellarstiasctions for haloes
with at least 100 star particles.

In general, every relation plotted in this paper demandsats particle number
cuts for convergence. We find that 2000 dark matter partmiel0 star particles
per halo results in good convergence for most of the quastiiihese two cuts are
therefore adapted throughout the paper. To avoid biasieageasults, we impose
a cut of 2000 dark matter particles when looking at relatiith total halo mass
and of 100 stars particles when investigating correlatigitis stellar mass.

65




CHAPTER 2. PHYSICAL PROPERTIES OF SIMULATED GALAXIES

Appendix B. The energy and momentum in momentum
driven wind models

In this Appendix we will look in more detail into the energydamomentum injec-
tion in the ‘momentum driven wind models’, such as those use@ppenheimer
& Davé (2006, 2008) and in this work. Inspired by Murray et @O005), these
models represent galactic winds which are driven by theatadi pressure from
the galaxies’ stellar population on the dust grains in tHadg outflows. As such,
the amount of energy per unit stellar mass formed is not eohsbut scales with
galaxy mass ag,, « M3, The total momentum used in the wind models is cho-
sen so that the the total star formation rate density of tiveuse is fit, and is not
restricted by what is actually available from SNe and raaiiapressure.

Here, we will compare the momentum that goes into the wind;aaspared
to the momentum from the SNe themselves, as well as thattiresdfom the
radiation pressure on the dust by the underlying stellauladion. As default
parameters for the SN ejecta we take thatM§ of material is flowing out at a
velocity of 3000 km st (Murray et al., 2005). This sets both a kinetic energy and
a momentum for this outflow.

For the radiation pressure, which results in an availablenerdum for the
outflow, we will use the spectral synthesis models of BruZgua&harlot (2003,
(BCO03)). We make the following assumptions:

1. Radiation is not scattered back and forth. In principlemf back-scattering
a large gain in momentum can be obtained. We are talking lenet atellar
continuum radiation, which after the absorption by dusirgravill be re-
emitted at very long wavelengths, for which the optical teigtvery low.
The cross-section for this radiation to be back-scatteretb® absorbed by
another dust grain is very small. Only for extremely high gibgl densities,
the shell that is driven will become optically thick for tHeetmal radiation
of the dust grains. In that case, thdfdsion of the photons outward may
boost the momentum. This is a situation which can only bazedlat the
very early stages of driving the wind inside the moleculaudl, not at scales
at which winds in the simulations are driverkfc).

2. All the radiation is used to drive an outflow. This, togetivh the previous
point means that all the momentum in radiation is transfetosout flowing
gas. Note that this is a very strong assumption, which mdiegstimated
outflow momentum from the radiation pressureupper limit

3. The driving radiation source is a simple stellar popatatf solar metallicity
with a Chabrier (2003) IMF, the spectrum of which is well désed by the
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Figure 2.19: In black we show the ratio between the momenuaitedole from ra-
diation pressure and the momentum available from the saparmexplosions them-
selves (assuming that 1, is ejected at 3000 knT$ per supernova event). The
solid black line assumes that all SNe gid att = 0, so it is the integral of the
radiation pressure as a function of SSP age, normalizedebiothl momentum in
SNe. The dashed line instead has the momentum from radiationalized to the
total momentum from SNe up to that age. In red we show the atrafunomen-
tum that is put into the winds in the momentum driven wind datians. The ratio
between the red line solid line and the black dashed lineutadoo order of magni-
tude att = 107 yr) is therefore the factor by which the momentum is boostettié
simulations compared to what comes from radiation. The twjzbntal axis refers
to the red dot-dashed line, which shows the momentum in wimdse model of
Oppenheimer & Davé (2008), where the energy in the windsngdd to 2 times
the energy available from SNe. This only becomes a smalectan at velocity
dispersions greater than 700 kit s As the momentum from radiation is an up-
per limit, it is clear that the amount of momentum in the wiimd¢he momentum
driven wind simulations is unrealistically high.
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high resolution spectra of the BCO3 set of spectra for alsage

In a time intervalAt, during which the source has luminosity the energy
and momentum that the radiation can transfer to the gagage= L - At and
Prad = L - At/c, respectively, where is the speed of light.

In Fig.2.19 we show, as a function of age of the SSP, the totehemtum the
radiation can have transferred to the out flowing gas, updbdbe. This value is
normalized by the total amount of SN momentum, assuming tmsrand velocity
given above. The solid black line is under the assumptiohahé&Ne go df at
t = 0 (so normalized to the total available momentum from supeze that result
from the SSP), while the dashed black line follows the tim&deXplosions (for
all of which the same momentum is taken). This timed releagsiimated from
the number of neutron stars and black holes present in thpleatcording to the
BCO03 package. This adds up to the same number of SNe at thehage the lines
meet ( =~ 10° yr). The red lines in the plot show the amount of momentum that
is used in the simulations described in the paper. The soliizéntal line shows
the momentum that is used in all momentum-driven wind mode¢xribed in this
paper. The model used in Oppenheimer & Davé (2008) limisehergy in the
winds to be two times the energy available from SNe, whichltesn the red dot-
dashed line, in haloes with velocity dispersions as showthetop horizontal axis.
This maximum to the energy makes littlefférence, and no fierence in haloes of
velocity dispersion lower than 700 km's

From Fig.2.19 we learn that the amount of momentum availfabta radiation
is, even after the entire 20 Gyr lifetime of the SSP stilldadhort by a factor
of a few, compared to the total momentum in the SN ejecta. Reee that the
momentum from radiation is an upper limit. At the time all SN&t went df, there
is a factor 7 diference between the two.
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